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Key points: 
Photoevaporative feedback is 

inefficient; gas exhaustion is the 
end state of massive protoclusters

Protostars heat prestellar gas, 
main sequence stars don’t



What effect do OB stars 
have on the gas?

• Do massive stars stop star formation?  When? 

• (How) do nearby massive stars affect the initial 
conditions of star formation?
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Table 1. Continuum Observations

Epoch Frequency Bandwidth BMAJ BMIN BPA Jy-Kelvin
GHz GHz 00 00 �

2 2.5 2.0 0.54 0.53 -175.79 6.8⇥105

2 3.5 2.0 0.41 0.39 0.66 6.3⇥105

1 4.9 0.05 0.45 0.38 88.15 3⇥105

2 4.9 2.0 0.32 0.29 -84.09 5.6⇥105

3 4.9 2.0 0.33 0.26 68.06 5.9⇥105

2 5.9 2.0 0.27 0.23 -81.28 5.7⇥105

3 5.9 2.0 0.31 0.19 74.75 6⇥105

1 8.4 0.05 0.47 0.39 82.92 9.5⇥104

2 12.6 2.0 0.38 0.35 83.67 5.7⇥104

2 14.1 2.0 0.34 0.33 68.87 5.6⇥104

1 22.5 0.05 0.32 0.29 -84.80 2.6⇥104

Jy-Kelvin provides the numerical constant for converting the observed Jy to brightness temperature K.
BMAJ and BMIN indicate the restoring beam size used to CLEAN the images.

Fig. 1. The Ku-band image of the W51 region produced with a combination of EVLA B and D array data using uniform weighting.

several sources and concrete identifications of others that
were detected in previous data sets but not reported.

We follow the naming scheme introduced by Mehringer
(1994). For the compact (r < 100) sources within 1 ar-
cminute of W51e2, we use the name W51e followed by
a number. We identify two new sources, e9 (19:23:43.654
+14:30:26.81) and e10 (19:23:43.956 +14:30:26.95), which
were previously detected but never officially named (as far
as we were able to discover). We additionally split source
e8 into a north and south component, plus a more extended

molecular component e8mol. We also identify a molecular
component between e1, e8, and e10, which we label e10mol.
The source positions and approximate radii for resolved
sources are shown in Figure A.1 and listed in Table 2.

We include in this catalog any pointlike sources (at
⇠ 0.2 � 0.400 resolution) with emission in two bands, Ku
and C (14 and 5 GHz). We also include candidate point
sources (denoted with a trailing ? in Table 3) that may
instead be artifacts from the data reduction process. In or-
der to identify point sources, we used uniformly-weighted
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Fig. 11. Contours of the C-band (5 GHz) continuum overlaid on an integrated intensity map of C18O 3-2 from 45 to 65 km s�1

(Parsons et al. 2012). The contours go from 0.1 to 10 mJy in 5 logarithmic steps. The C18O peaks on the e1/e2 region, and has a
clear minimum corresponding to the peak of the radio continuum emission.

(a) (b)

Fig. 12. The W51 North core shown in H2CO 21,1 � 21,2 emission in contours overlaid on (a) the 14 GHz continuum and (b)
the NACO K-band continuum image. The contours are at 3 mJy/beam at velocities 56 (blue) to 60 (red) km s�1 at 0.5 km s�1

intervals.
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clear minimum corresponding to the peak of the radio continuum emission.
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In W51 North, massive stars are forming within an HII region

ALMA 1 mm



Photoevaporative!
Feedback in IRS2





H77a



vcloud ~ 60 km/s -> 
vmax ~ 25 km/s

r ~ 0.25 pc 
Mesc ~ 10 Mo

H77a



v 
~ 
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 k

m
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Upper limit mass loss rate:!
Ṁ << 103 M☉ Myr-1

M(R<1 pc) ≳ 3x103 M☉



Ionization-driven mass loss rate <<103 M☉ Myr-1 

n>104 cm-3   ->    tff < 0.5 Myr 
Evaporation timescale tev > 5-10 tff 

SFR > ionization mass loss 
!
!
!
!

Gas exhaustion, not expulsion, will end star formation 
in IRS2 

(e.g., Kruijssen et al 2012)



Stellar and multiple star properties 3127

Figure 7. Histograms giving the IMF of the 590 stars and brown dwarfs at t = 1.20tff from the main barotropic calculation of Bate (2009a) (left), and the
183 objects formed at the same time in the radiation hydrodynamical calculation (right). The double hatched histograms are used to denote those objects that
have stopped accreting, while those objects that are still accreting are plotted using single hatching. The radiation hydrodynamical calculation produces far
fewer brown dwarfs and low-mass stars and more stars with masses !1.5 M⊙ and is in good agreement with the Chabrier (2005) fit to the observed IMF for
individual objects. Two other parametrizations of the IMF are also plotted: Salpeter (1955) and Kroupa (2001).

observational constraints, but the statistical uncertainty is large.
Here we obtain a ratio of N (0.08–1.0)/N (0.03–0.08) = 117/31 ≈
3.8. Eight of the 31 low-mass objects and 84 of the 117 stars
were still accreting when the calculation was stopped, so there
is some uncertainty in this figure due to unknown future evolution.
But the value is well within observational uncertainties. For the
main barotropic calculation of Bate (2009a), this ratio was much
lower: 212/146 ≈ 1.45 at t = 1.20tff and 408/326 = 1.25 at
t = 1.50tff .

Below 0.03 M⊙, the IMF is very poorly constrained, both obser-
vationally and from the calculation presented here. The radiation
hydrodynamical calculation produced six objects with masses in
this range, with a minimum mass of 17.6 MJ. All of these objects
had stopped accreting when the calculation was stopped. This is
very different to the main barotropic calculation. At the same time
(1.20tff ), the barotropic calculation had produced 217 brown dwarfs
(40 still accreting) with masses less than 30 MJ with a minimum
mass of only 5.6 MJ. Even discounting objects that were still ac-
creting, the inclusion of radiative feedback has cut the production
of these VLM brown dwarfs by a factor of ≈30 and significantly in-
creased the minimum mass. It is interesting to note that the minimum
mass is substantially higher than the opacity limit for fragmenta-
tion (Low & Lynden-Bell 1976; Rees 1976; Silk 1977a,b; Boyd &
Whitworth 2005). This is because the opacity limit provides a min-
imum mass, but generally objects will accrete from their surround-
ings to greater masses. Perhaps more importantly, the minimum
mass is also greater than the estimated masses of some objects ob-
served in star-forming regions (Zapatero Osorio et al. 2000, 2002;
Kirkpatrick et al. 2001, 2006; Lodieu et al. 2008; Luhman et al.
2008, 2009b; Bihain et al. 2009; Burgess et al. 2009; Weights et al.
2009; Quanz et al. 2010). While an exact cut-off is difficult to
determine from either numerical simulations or observations, the
results of the radiation hydrodynamical calculation presented here
do imply that brown dwarfs with masses !15 MJ should be very
rare.

3.2.1 The origin of the initial mass function

Bate & Bonnell (2005) analysed two barotropic star cluster for-
mation simulations that began with clouds of different densities to
determine the origin of the IMF in those calculations (see also Bate
2005). They found that the IMF resulted from competition between

accretion and ‘ejection’. There was no significant dependence of
the mean accretion rate of an object on its final mass. Rather, there
was a roughly linear correlation between an object’s final mass and
the time between its formation and the termination of its accretion.
Furthermore, the accretion on to an object was usually terminated
by a dynamical interaction between the object and another system.
Note that such an interaction does not necessarily require that the
object is ejected from the cluster. Many times this is the case, but
moving an object into a lower density part of the cloud (e.g. out of
its natal core) or substantially increasing the object’s speed without
it becoming unbound can also dramatically reduce its accretion rate
[cf. the Bondi–Hoyle accretion formula Ṁ ∝ ρ/(c2

s +v2)3/2, where
v is the velocity of the object relative to the gas]. Thus, Bate & Bon-
nell found that objects formed with very low masses (a few Jupiter
masses) and accreted to higher masses until their accretion was
terminated, usually, by a dynamical encounter. This combination
of competitive accretion and stochastic dynamical interactions pro-
duced the mass distributions, and Bate & Bonnell (2005) presented
a simple semi-analytic model which could describe the numerical
results in which the characteristic stellar mass was given by the
product of the typical accretion rate and the typical time between an
object forming and having a dynamical interaction that terminated
its accretion. Bate (2009a) found the IMF in their larger barotropic
calculations also originated in this manner. They found the mean
accretion rate of a low-mass star did not depend on its final mass, but
that objects that accreted for longer ended up with greater masses
and that protostellar accretion was usually terminated by dynam-
ical interactions. Here we analyse the radiation hydrodynamical
calculation using the same methods.

In Fig. 8, we plot the final mass of an object versus the time
at which it formed (i.e. the time of insertion of a sink particle). It
is clear that the most massive stars at the end of the calculation
were some of the first to begin forming. During the calculation,
as other lower-mass stars have formed and some have had their
accretion terminated, these stars have continued to grow to higher
and higher masses. Maschberger et al. (2010) have argued that such
a cluster formation process naturally produces a relation between
cluster mass and maximum stellar mass similar to that which is
observed (Weidner & Kroupa 2006; Weidner, Kroupa & Bonnell
2010), although others argue that the observations are also consistent
with random sampling from a universal IMF (Lamb et al. 2010;
Fumagalli, da Silva & Krumholz 2011).

C⃝ 2011 The Author, MNRAS 419, 3115–3146
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Stellar thermal feedback is critical for setting the IMF



H2CO 30,3-20,2 
H2CO 32,1-22,0 
H2CO 32,2-22,1

Gas heating: 
Thermal (radiative) feedback 
changes initial collapse 
conditions



H2CO 30,3-20,2 
H2CO 32,1-22,0 
H2CO 32,2-22,1

H2CO thermometry: 
redder = cooler 

(maybe)



Ginsburg et al 2016 APEX CMZ survey



However, H2CO 
temperatures seem 

too high

Optically thick? 
Probably not. 

Spatially filtered? 
Maybe



ALMA molecule maps: 
Multi-layered chemically enriched zones

5”





CH3OH desorbs at 80-100 K (Green et al 2009) 
Edes(HNCO) ~ 0.5 Edes(CH3OH): r<1000 AU, gas-
phase chemistry dominates



C. Goddi et al.: Hot NH3 around Young O-type Stars: III. W51 Main

Fig. A.2. Rotational NH3 temperatures determined for the protostars W51e2-E and W51e2-NW, and cores W51e2 and W51e8 (from left to right,
and from top to bottom). The temperatures are fit to the slope of the normalized NH3 column density Nu (in units of cm�3) plotted against the
energy of each transition Eu (in units of Kelvins), using Eq. A.8. The blue line is a fit to the measured columns without opacity correction. The
magenta line is the fit after applying the opacity corrections, using the optical depth values in Table 3. We excluded the (10,10) transition from the
fit because of much higher rms.

nuclear quadrupole energy, EQ, for a symmetric molecular rotor
(e.g., Townes & Schawlow 1975, P. Ho, PhD Thesis,1972):

EQ =
eqQ
⇣

3K2

J(J+1) � 1
⌘
⇥ [0.75C(C + 1) � IN(IN + 1)J(J + 1)]

2IN(2IN � 1)(2J � 1)(2J + 3)
(B.1)

where
C = F(F + 1) � IN(IN + 1) � J(J + 1).

The product eqQ = 4.09 is the quadrupole coupling constant,
where Q is the nuclear quadrupole moment, q is the second
derivative of the coulomb potential, and e is the electronic
charge. The frequency separation of the outer satellites from
the main line is given by EQ(F = J � 1) � EQ(F = J),
while the inner satellites are separated from the main line by
EQ(F = J + 1)�EQ(F = J) . These frequency separations of the
satellites are of the order of 2 MHz for the lines observed in this
study and are reported in cols. 2 and 3 of Table 3.

The intensities of the hyperfine components are given by
(e.g., Townes & Schawlow 1975, P. Ho, PhD Thesis, 1972):

IMain =
A [J(J + 1.) + F(F + 1) � IN(IN + 1)]2 (2F + 1)

F(F + 1)
(B.2)

(�F = 0, F = J � 1, J, J + 1)

IS at1 =
�A(J+F+IN+2)(J+F�IN+1)(J�F+IN )(J�F�IN�1)

F+1
(�F = +1, F = J � 1, J)

IS at2 =
�A(J+F+IN+1)(J+F�IN )(J�F+IN+1)(J�F�IN )

F
(�F = �1, F = J, J + 1)

for the main line, and the two pairs of (inner and outer) satel-
lite components, respectively18. A is normalisation factor cho-
sen so that the total intensity across all hyperfine components is
equal to 1:

A�1 = [IMain(F = J � 1) + IMain(F = J) + IMain(F = J + 1)]+
+
⇥
IS at1 (F = J � 1) + IS at1 (F = J)

⇤
+ (B.3)

+
⇥
IS at2 (F = J) + IS at2 (F = J + 1)

⇤
,

(e.g., A = 1.53 ⇥ 10�4 for (J,K) = (6, 6)).
The satellites have approximately equal intensities in each pair,
typically below 1% of the main line (see col. 6 of Table 3).

18 Note that the main line is a combination of three components, corre-
sponding to F = (J�1, J, J+1), which along with the two pairs of satel-
lites, lead e↵ectively to seven components in the HFS of NH3 inversion
lines.
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“Core” temperature in
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C. Goddi et al.: Hot NH3 around Young O-type Stars: III. W51 Main

Fig. 12. Spectral profiles of emission lines arising from hot molecular gas in the surroundings of the HC HII region. The spectra displayed here
are integrated towards the dust continuum sources W51e2-E (top row), W51e2-NW (middle row), and toward the entire molecular core seen in
emission (bottom row), respectively. (Left and central panels) Spectral profiles of NH3 for transitions (6,6), (7,7), (9,9), (10,10), and (13,13). An
o↵set in flux density is applied to transitions adjacent in energy, to better display individual profiles. The lower state energy levels of transitions
shown here are ⇠ 408 � 1691 K (see Table 1). The hyperfine satellite lines, separated by ⇠ ±24 � 31 km s�1 (see Table 3), are clearly detected for
the (6,6), and (7,7) doublets in the three cases; the (9,9) HF lines are detected only towards W51e2-E (top row, left panel). A narrower velocity
range is displayed in the central panel, in order to show more clearly the profiles of the main hyperfine component of each inversion transition.
(Right panel) Spectral profile of the JK= 132-131 line of CH3OH (⌫rest = 27.473 GHz). The velocity resolution is 0.4 km s�1 (all panels), and the
vertical dashed line in the central and right panels indicate velocities of 56.4 km s�1 (top row), 55.2 km s�1 (middle row), and 55.3 km s�1 (bottom
row), respectively.
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HII region contours: 
the ionizing source is not responsible 

for the CH3OH or (most) of the  
HNCO enhancement



0

CH3OH 80,8-71,6



01
CH3OH does not trace outflows: 
methanol enhancement is 
circularly symmetric

CH3OH 80,8-71,6

CO / CO



Chemical Maps: North



W51 North:  
similar heating



W51 North:  
similar heating

Ionizing radiation 
is destroying the 
outer envelope?



Chemical Maps: e8



W51 e8: 
again,  
similar heating



W51 e8: 
again,  
similar heating

No sign of 
excess warm 
gas near HII 
regions



Only the most 
massive cores 
produce ~0.1 
pc-scale 
extreme heating



Photoevaporation is ineffective at 
halting star formation on clump scales 

!

It is important for shaping the cloud and 
limiting the growth of a forming cluster

Protostars heat prestellar gas, 
(maybe suppressing fragmentation) 
 main sequence stars & HII regions 

apparently do not



BONUS SLIDES START HERE
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Table 1. Continuum Observations

Epoch Frequency Bandwidth BMAJ BMIN BPA Jy-Kelvin
GHz GHz 00 00 �

2 2.5 2.0 0.54 0.53 -175.79 6.8⇥105

2 3.5 2.0 0.41 0.39 0.66 6.3⇥105

1 4.9 0.05 0.45 0.38 88.15 3⇥105

2 4.9 2.0 0.32 0.29 -84.09 5.6⇥105

3 4.9 2.0 0.33 0.26 68.06 5.9⇥105

2 5.9 2.0 0.27 0.23 -81.28 5.7⇥105

3 5.9 2.0 0.31 0.19 74.75 6⇥105

1 8.4 0.05 0.47 0.39 82.92 9.5⇥104

2 12.6 2.0 0.38 0.35 83.67 5.7⇥104

2 14.1 2.0 0.34 0.33 68.87 5.6⇥104

1 22.5 0.05 0.32 0.29 -84.80 2.6⇥104

Jy-Kelvin provides the numerical constant for converting the observed Jy to brightness temperature K.
BMAJ and BMIN indicate the restoring beam size used to CLEAN the images.

Fig. 1. The Ku-band image of the W51 region produced with a combination of EVLA B and D array data using uniform weighting.

several sources and concrete identifications of others that
were detected in previous data sets but not reported.

We follow the naming scheme introduced by Mehringer
(1994). For the compact (r < 100) sources within 1 ar-
cminute of W51e2, we use the name W51e followed by
a number. We identify two new sources, e9 (19:23:43.654
+14:30:26.81) and e10 (19:23:43.956 +14:30:26.95), which
were previously detected but never officially named (as far
as we were able to discover). We additionally split source
e8 into a north and south component, plus a more extended

molecular component e8mol. We also identify a molecular
component between e1, e8, and e10, which we label e10mol.
The source positions and approximate radii for resolved
sources are shown in Figure A.1 and listed in Table 2.

We include in this catalog any pointlike sources (at
⇠ 0.2 � 0.400 resolution) with emission in two bands, Ku
and C (14 and 5 GHz). We also include candidate point
sources (denoted with a trailing ? in Table 3) that may
instead be artifacts from the data reduction process. In or-
der to identify point sources, we used uniformly-weighted
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The ionized gas in W51

Ginsburg et al 2016
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continuum



MOXC X-ray 
sources 

(young stars)

Townsley et al 2014
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source density

Townsley et al 2014



MOXC X-ray 
sources 

(young stars)

MOXC X-ray 
source density

ALMA mm 
sources 

(cores, protostars)



MOXC X-ray 
source density

ALMA mm 
sources 

(cores, protostars)



MOXC X-ray 
source density

ALMA mm 
sources 

(cores, protostars)

EVLA cm sources 
(CWBs, HCHIIs)



CWB candidates

Faint (<mJy), compact, flat-spectrum radio sources 
Some with X-ray counterparts

Candidate powering sources for 
the  W51 Main HII region bubble 





Feedback around forming 
MYSOs

• Outflows 

• Infrared Radiation 

• Ionizing Radiation
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22 J. M. D. Kruijssen

Table 4. Influence of the adopted parameters on the CFE.

Parameter Minimum Maximum Impact on CFE
(1) (2) (3) (4)

φP 1 6 +
αvir 1 2 +
tsn 2 Myr 5 Myr +
t 5 Myr 20 Myr −
φfb 0.032 cm2 s−3 0.8 cm2 s−3 +
ϵcore 0.25 0.75 −
f 0.5 0.9 −
g 1 2 −
φsh 2 3 −
ΣLG

GMC 30M⊙ pc−2 300 M⊙ pc−2 −

ing that secular star formation in galaxy discs contributes a larger
fraction of the cosmic mass assembly than starbursts for redshifts
z <∼ 1 (e.g. Somerville et al. 2001; Kauffmann et al. 2003), the red-
shift evolution of the CFE in Figure 9 warrants a rough, two-step
approximation in which Γ = 50% for z > 0.7 and Γ = 10%
for z < 0.7. As indicated above, the former of these two val-
ues is an upper limit due to the possible incompleteness of the
high-redshift sample. Since the (comoving) stellar mass density in-
creased by a factor of 1.6–2 since z = 0.7 (e.g. Pozzetti et al. 2007;
Marchesini et al. 2009; Ilbert et al. 2010), this gives a total cosmic
integrated CFE of Γuniv ! 30–35%. In other words, the model pre-
dicts that up to one third of all stars in the Universe once formed in
bound stellar clusters, while the remainder originated in unbound
associations.

7 DISCUSSION

In this section, we discuss the possible sources of uncertainty in
the presented theoretical framework, as well as future observational
tests and potential applications in observations, theory, and numer-
ical simulations.

7.1 Influence of parameters and model assumptions

The first test of the uncertainties in the presented model is to as-
sess how the adopted parameters might influence the result. While
the model does not rely on a very large number of parameters (see
Table 2), and even though we have shown that the variation of the
CFE due to individual parameters is generally minor (see e.g. Fig-
ure 5), it is worth checking how the results change if all parameters
would conspire in the same direction.

The typical variations or uncertainties of the model pa-
rameters is shown in Table 4, the fourth column of which in-
dicates whether the CFE increases (+) or decreases (−) with
the parameter in question. The ranges are based on discussions
in Krumholz & McKee (2005), Gieles et al. (2006b), Heyer et al.
(2009), Portegies Zwart et al. (2010), Kruijssen et al. (2011), and
on the appendices of this paper. Using the table, one can easily
decide which extremes to choose in order to estimate the maxi-
mum variation of the CFE. Additional variation may come from
the adopted star formation law (see Figures 2 and 8) and the inclu-
sion of radiative feedback (see Appendix C). We therefore consider
two cases with the following changes to the fiducial model.

(i) The low-CFE case, including the prescription for radiative

Figure 10.Worst-case-scenario uncertainty on the predicted cluster forma-
tion efficiency for the fiducial model (solid line). The dashed lines represent
the input physics and parameters from Table 4, which were chosen to min-
imize (lower dashed) or maximize (upper dashed) the CFE. Note that these
parameter sets are highly improbable (>∼ 2.9σ), implying that the actual 1σ
uncertainty is comparable to the dotted lines (see text).

feedback from Appendix C and adopting the minimum and maxi-
mum parameters of Table 4 leading to the lowest CFEs.
(ii) The high-CFE case, using the Krumholz & McKee (2005)

star formation law of equation (12) and adopting the minimum and
maximum parameters of Table 4 leading to the highest CFEs.

The resulting extremes of the CFE are shown as a function of the
gas surface density in Figure 10, together with the predicted CFE
for the fiducial parameter set. The ‘uncertainty’ around the fiducial
Γ–Σg relation is of the same order as the scatter of the observa-
tions around the ‘typical’ model in Figure 6. While in principle
this implies that differences between theory and observations could
be accounted for by model uncertainties, we remind the reader
that the discrepancies are smaller when choosing appropriate in-
put variables for each individual galaxy (Figure 7). This should be
expected, because the two extreme cases of Figure 10 are highly
improbable. For illustration, if one interprets the ranges of Table 4
conservatively as 1σ limits, the chance that all ten parameters con-
spire to give the extremes of Figure 10 is 0.1610 ∼ 10−8. Of
course, this assumes that all parameters are independent and influ-
ence the CFE to an equal extent. In practice, the uncertainty on the
CFE is mainly caused by three independent variables, being φP ,
tsn and ϵcore. But even in this case, the probability of the extremes
is 0.163 ∼ 0.004, which is a 2.9σ limit. Assuming a log-normal
distribution of errors, the actual 1σ logarithmic uncertainty on the
model predictions (dotted lines in Figure 10) should therefore be
about 0.35 times the logarithm of the extreme case. This uncer-
tainty decreases with the gas surface density, from σΓ ∼ 0.3 dex at
Σg ∼ 2M⊙ pc−2 to σΓ < 0.1 dex at Σg ∼ 103 M⊙ pc−2.

In the discussion so far, we solely focused on the uncertainty
of the adopted model parameters. However, other assumptions that
are physical in nature might also influence the results of this paper.

(i) Magnetic fields are not included explicitly, i.e. there are no
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Table 4. Influence of the adopted parameters on the CFE.
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(1) (2) (3) (4)
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ϵcore 0.25 0.75 −
f 0.5 0.9 −
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ΣLG
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ing that secular star formation in galaxy discs contributes a larger
fraction of the cosmic mass assembly than starbursts for redshifts
z <∼ 1 (e.g. Somerville et al. 2001; Kauffmann et al. 2003), the red-
shift evolution of the CFE in Figure 9 warrants a rough, two-step
approximation in which Γ = 50% for z > 0.7 and Γ = 10%
for z < 0.7. As indicated above, the former of these two val-
ues is an upper limit due to the possible incompleteness of the
high-redshift sample. Since the (comoving) stellar mass density in-
creased by a factor of 1.6–2 since z = 0.7 (e.g. Pozzetti et al. 2007;
Marchesini et al. 2009; Ilbert et al. 2010), this gives a total cosmic
integrated CFE of Γuniv ! 30–35%. In other words, the model pre-
dicts that up to one third of all stars in the Universe once formed in
bound stellar clusters, while the remainder originated in unbound
associations.

7 DISCUSSION

In this section, we discuss the possible sources of uncertainty in
the presented theoretical framework, as well as future observational
tests and potential applications in observations, theory, and numer-
ical simulations.

7.1 Influence of parameters and model assumptions

The first test of the uncertainties in the presented model is to as-
sess how the adopted parameters might influence the result. While
the model does not rely on a very large number of parameters (see
Table 2), and even though we have shown that the variation of the
CFE due to individual parameters is generally minor (see e.g. Fig-
ure 5), it is worth checking how the results change if all parameters
would conspire in the same direction.

The typical variations or uncertainties of the model pa-
rameters is shown in Table 4, the fourth column of which in-
dicates whether the CFE increases (+) or decreases (−) with
the parameter in question. The ranges are based on discussions
in Krumholz & McKee (2005), Gieles et al. (2006b), Heyer et al.
(2009), Portegies Zwart et al. (2010), Kruijssen et al. (2011), and
on the appendices of this paper. Using the table, one can easily
decide which extremes to choose in order to estimate the maxi-
mum variation of the CFE. Additional variation may come from
the adopted star formation law (see Figures 2 and 8) and the inclu-
sion of radiative feedback (see Appendix C). We therefore consider
two cases with the following changes to the fiducial model.

(i) The low-CFE case, including the prescription for radiative

Figure 10.Worst-case-scenario uncertainty on the predicted cluster forma-
tion efficiency for the fiducial model (solid line). The dashed lines represent
the input physics and parameters from Table 4, which were chosen to min-
imize (lower dashed) or maximize (upper dashed) the CFE. Note that these
parameter sets are highly improbable (>∼ 2.9σ), implying that the actual 1σ
uncertainty is comparable to the dotted lines (see text).

feedback from Appendix C and adopting the minimum and maxi-
mum parameters of Table 4 leading to the lowest CFEs.
(ii) The high-CFE case, using the Krumholz & McKee (2005)

star formation law of equation (12) and adopting the minimum and
maximum parameters of Table 4 leading to the highest CFEs.

The resulting extremes of the CFE are shown as a function of the
gas surface density in Figure 10, together with the predicted CFE
for the fiducial parameter set. The ‘uncertainty’ around the fiducial
Γ–Σg relation is of the same order as the scatter of the observa-
tions around the ‘typical’ model in Figure 6. While in principle
this implies that differences between theory and observations could
be accounted for by model uncertainties, we remind the reader
that the discrepancies are smaller when choosing appropriate in-
put variables for each individual galaxy (Figure 7). This should be
expected, because the two extreme cases of Figure 10 are highly
improbable. For illustration, if one interprets the ranges of Table 4
conservatively as 1σ limits, the chance that all ten parameters con-
spire to give the extremes of Figure 10 is 0.1610 ∼ 10−8. Of
course, this assumes that all parameters are independent and influ-
ence the CFE to an equal extent. In practice, the uncertainty on the
CFE is mainly caused by three independent variables, being φP ,
tsn and ϵcore. But even in this case, the probability of the extremes
is 0.163 ∼ 0.004, which is a 2.9σ limit. Assuming a log-normal
distribution of errors, the actual 1σ logarithmic uncertainty on the
model predictions (dotted lines in Figure 10) should therefore be
about 0.35 times the logarithm of the extreme case. This uncer-
tainty decreases with the gas surface density, from σΓ ∼ 0.3 dex at
Σg ∼ 2M⊙ pc−2 to σΓ < 0.1 dex at Σg ∼ 103 M⊙ pc−2.

In the discussion so far, we solely focused on the uncertainty
of the adopted model parameters. However, other assumptions that
are physical in nature might also influence the results of this paper.

(i) Magnetic fields are not included explicitly, i.e. there are no

%
 o

f s
ta

rs
 fo

rm
ed

 in
 b

ou
nd

 c
lu

st
er

s

Kruijssen 2012

Milky Way

All stars integrated over all time



Stars form near other stars

• How do (nearby) massive stars affect the initial 
conditions of star formation?
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Fig. 11. Contours of the C-band (4.9 GHz) continuum overlaid on an integrated intensity map of C18O 3-2 from 45 to 65 km s�1

(Parsons et al. 2012). The contours go from 0.1 to 10 mJy in 5 logarithmic steps. The C18O peaks on the e1/e2 region and has a
clear minimum corresponding to the peak of the radio continuum emission.

Table 8. Source Associations

Source Name X-ray NIR Goldader 1994

d3 - UGPSJ192335.88+143128.8 -
d4e CXOJ192339.6+143130 UGPSJ192339.65+143130.9 -
d4w (same as d4e) (same as d4e) -
d5 - UGPSJ192341.77+143127.6 -
d6 CXOJ192341.1+143110 UGPSJ192341.29+143111.8 -
d7 CXOU192340.96+143106.7 UGPSJ192340.91+143106.7 RS15
e7 - UGPSJ192344.79+142911.2 -
e14 - UGPSJ192342.60+143042.2 -
e15 - UGPSJ192338.65+143005.8 -
e20 CXOU192342.86+143027.5 UGPSJ192342.85+143027.7 RS7
e21 (same as e20) (same as e20) (same as e20)
e22 CXOU192342.77+143027.5 UGPSJ192342.84+143027.5 RS8

W51e2e and W51e2nw, and it includes the bright HCH ii
region e2w (Shi et al. 2010b; Goddi et al. 2016).

We estimate the mass of the W51 North core in a few
ways. A reasonable lower limit on the mass is given by
assuming it has a volume density n & 106 cm�3, which
is required to detect it in emission in o-H2CO 21,1 � 21,2
(Mangum & Wootten 1993). The core radius, as measured

by fitting a 2D gaussian to its integrated intensity emission
map, is � = 0.900 or 0.025 pc (FWHM=2.100, 0.056 pc). If
we assume the core is spherically symmetric, the resulting
mass is M & 14M�. We compute the o-H2CO 21,1 � 21,2
column density using Mangum & Shirley (2015) equation
100, with a measured integrated intensity of 55 mJy km s�1

or 65 K km s�1 given the 2⇥1.500 source area. The inferred
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