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Warm%ionised%medium%(WIM)
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OEen&called&the&“diffuse&ionised&
gas”&(DIG)&or&“Reynolds&Layer”

Pervasive&component&of&starUforming&
galaxies

≈90%&of&the&H+&and&≈1/4&of&the&total&
atomic&H&mass&of&the&Milky&Way&ISM

Nearly&fully&ionised,&T&=&6000&–&10000&K
Extends&to&more&than&1&kpc&above&the&
midplane

Observadonally&disdnct&from&classical&H&II&
regions

Primarily&photoionised&by&OB&stars&in&the&
plane
• turbulent&structure&makes&this&possible

FIG. 1.ÈHa image of NGC 891 from showing the length and orientation of the slitRKH,

RAND et al. (see 474, 130)

PLATE 4

NGC%891

Rand%et%al%(1990)
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ObservaFonal%diagnosFcs

Pulsar&dispersion

Faraday&rotadon

Emission&measure
• Hα%and%other%emission%lines

• free=free
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WIM%opFcal%surveys
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Survey
Sky%
coverage

δV Lines δθ σ

WHAM=NSS%(Haffner%et%al%2003%ApJS) δ%>%=30° 12%km%sU1 Hα 1° 0.15%R

WHAM=SSS%(in%prep) δ%<%+30° 12%km%sU1 Hα 1° 0.15%R

WHAM%(Haffner%et%al%1999;%Madsen%et%

al%2005,%2006)
parQal 12%km%sU1

[N%II]%λ6584,%[S%II]%

λ6716,%others

4800%A%<%λ%<%7300%A

1° <0.15%R

SHASSA%(Gaustad%et%al%2001%PASP) δ%<%+15° imaging
Hα%+%[N%II]%

contaminaQon
0.8’ 2%R

VTSS%(Dennison%et%al%1998%PASP)
parQal%

δ%>%=30°
imaging

Hα%+%[N%II]%

contaminaQon
1.6’ ~1%R

Finkbeiner%(2003%ApJS)%composite%of%

WHAM=NSS,%SHASSA,%and%VTSS
Full imaging

Hα%+%[N%II]%

contaminaQon
6’ Varies
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Observing%the%WIM
Hα&emission&very&faint
• Need&highly&sensidve&spectrometer

• Wisconsin&Hα&Mapper&(WHAM)

U DualUetalon&Fabry&Perot&spectrometer

U Can&observe&4800&–&7300&A

U Hα,&Hβ,&[N&II]&λ6584,&[S&II]&λ6716,&
[N&II]&λ5755,&He&I&λ5876,&
[O&III]&λ5007,&[O&I]&λ6300,&etc

U One&degree&poindngs&capture&a&
spectrum

U Spectral&resoludon&of&12&km&sU1&
(R&=&25,000)

U 200&km&sU1&wide&tunable&window

U Sensidvity&≈0.15&R&in&a&30&s&exposure

• Kip&Peak&1996&–&2008;&now&at&Cerro&Tololo
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centered near the emission line of interest (see Fig. 2).
WHAM is fitted with an eight-position filter wheel to allow
observations of many emission lines during a night. A pair
of 104 cm focal length lenses provides telecentric imaging of
the Fabry-Perot ring pattern that emerges from the last
etalon surface onto the interference filter. Finally, a four-
lens stack (effectively f/0.9) images this ring spectrum onto
a !1 cm diameter area of the CCD chip, while minimizing
aberrations to less than 100 lm (one 4" 4 binned pixel).

CCD.—WHAM’s imaging device is a cryogenically
cooled (!#101$ C) Tektronix TK1024 with 24 lm pixels
and a quantum efficiency of 88% at H!. Our detector setup
results in a gain of 0:57e#/ADU and an effective read noise
of 3:87e# rms after 4" 4 on-chip binning.

Coatings on the etalons, optics, and CCD allow observ-
ations anywhere between 4800 and 7320 Å. All observation
taken for the survey are centered around H! and were
obtained through a 20 Å FWHM interference filter manu-
factured by Barr and Associates, whose center wavelength is
centered near 6565 Å on axis, which translates to 6563 Å
(H!) at the average angle of incidence onto the filter.

Note that in the configuration described above,
WHAM images only the Fabry-Perot ring pattern emerg-
ing from the etalons. All spatial information is lost, with
each point within the 1$ diameter beam sampled equally
by every spectral element within the 4.4 Å (200 km s#1)
bandwidth of the spectrum. In this ‘‘ spectral mode,’’ a

CCD image contains the average spectrum within the 1$

diameter circular beam, avoiding any confusion between
spectral features and angular structures of the source (or
stars) within the beam. WHAM also has a set of optics
that can be placed in the post-etalon beam to provide an
extremely narrowband (20–200 km s#1), 30 angular reso-
lution image of the sky within the 1$ field of view. How-
ever, only the spectral mode (with 1$ angular resolution)
is used for the H! Sky Survey observations presented
here. Further details on the WHAM spectrometer and its
calibration can be found in Tufte (1997).

WHAM was designed from its inception as a remotely
operable facility. At the core of the operational software,
WHAM implements the WIYN Telescope Control System
(Percival 1995). All essential aspects of the instrument are
able to be efficiently controlled by a computer over a low-
bandwidth connection to the Internet. With this setup,
WHAM observers have been able to maintain a demanding
observing schedule without the associated costs in time and
funding of long-distance travel.

2.2. Survey Strategies

The northern sky survey consists of more than 37,000
pointings of the 1$ beam on a grid with Db ¼ 0=85,
Dl ¼ 0=98= cos b, and " & #30$. The origin of the longitude
gridding is offset by (0=98=2Þ= cos b between adjacent

Fig. 1.—TheWHAM instrument. The top photo showsWHAM at Kitt Peak National Observatory, AZ. A schematic of the instrument is displayed in the
bottom panel. The dashed line denotes the path of an on-axis ray through the system. As shown in the photo, both flat mirrors in the siderostat rotate
independently, allowing all-sky pointing.

No. 2, 2003 WHAM NORTHERN SKY SURVEY 407

Haffner%et%al%(2003%ApJS)
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H%II%region%or%WIM?
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after smoothing the H! images with a 9 ; 9 pixel2 (3.8700 diam-
eter) boxcar. We include only pixels showing emission above a
detection limit of 2 " above the background level in each image,
which was derived as discussed in Paper I. The galaxies are color-
coded according to!H!, with starbursts at the red extreme, and the
lowest !H! at the violet and black extreme. It is apparent that the
starbursts show significantly flatter slopes at lower SH!, indicating
that they have smaller relative contributions of diffuse H! emis-
sion compared to the H ii regions. We determined the slopes !
using a least-squares fit to the logarithmic quantities plotted in Fig-

ure 2b, within the range!1:5 < log (SH!/SH!;eA) < 0:0. The nor-
malizing surface brightness SH!;eA corresponds to the isophote
that includes half the total H! flux of each object. Figure 2b shows
these fitted slopes as a function of SH!, color-coded as before,
again demonstrating the trend of flattening slope with increasing
SFI for the whole sample.

We can examine the conventional fraction fWIM of diffuse H!
emission by defining the spatial division between the WIM and
H ii regions, as is commonly done. Because the diffuse H! emis-
sion of the WIM is the emission in excess of, and outside of, the

Fig. 2a Fig. 2b

Fig. 2c Fig. 2d

Fig. 1a Fig. 1b Fig. 1c Fig. 1dFig. 1.—Representative examples of the galaxy categories. (a) ‘‘Normal’’: J0412+02, log!H! ¼ 38:92. (b) ‘‘Sparse’’: J0031!22, log!H! ¼ 38:26. (c) ‘‘Starburst’’:
J0355!42, log!H! ¼ 39:40. (d ) ‘‘Nuclear Starburst’’: J0209!10:S2. !H! is quoted in units of erg s!1 kpc!2. H ii region boundaries defined by HIIphot are outlined in
black. The large elliptical apertures indicated by the black lines around the galaxies are those defined from R-band images by Paper I (their rmax) for the total galaxy flux
measurements. The images are roughly 1.80 square, with north up and east to the left; all are displayed with the same gray scale.

SINGG. III. 803No. 2, 2007

Oey%et%al%(2007%ApJ)
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H%II%region%or%WIM?

59±19%&of&Hα&luminosity&of&normal&galaxies&is&WIM
• Liele%trend%among%normal%galaxies

Lower&WIM&fracdon&in&starbursts
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luminosities in starbursts, the lower H i fraction might not be
surprising. However, we might then have expected a higher fWIM

if the lower H i fraction were due to ionization by the starbursts.
Since this is not observed, we must consider other possibilities:
(1) An important ionization source of the WIM has been reduced,
for example, (1a) less ionizing radiation escaping from strongly
obscured starbursts, or (1b) less ionizing radiation available from
a reduced population of field OB stars. Alternatively, (2) some
fraction of ionizing radiation escapes from these galaxies, either
(2a) underionizing the WIM, or (2b) fully ionizing it in a density-
bounded situation.

While we have no data at present to evaluate possibility 1a, we
can examine possibility 1b by assuming simple global parame-
terizations for the behavior of massive stars in the field. Recent
work suggests that field O and B stars ionize about half of the
WIM in ordinary star-forming galaxies such as M33 (Hoopes &
Walterbos 2000) and the Small Magellanic Cloud (Oey et al.
2004). Observations suggest that ionizing radiation escaping from
ordinary H ii regions can account for the other half of WIM ion-

ization (Oey & Kennicutt 1997; Voges et al. 2005). However, in
galaxies with high absolute SFRs, the fraction of field OB stars is
expected to decrease as (Oey et al. 2004)

fBeld ¼
!
lnN";up þ 0:5772

"$1
; ð3Þ

where N";up is the number of OB stars in the richest cluster of
that galaxy. This assumes a simple power-law relation for the
clustering law of the form

N (N") dN" / N$2
" dN"; ð4Þ

where N" is the number of OB stars per cluster. This clustering
law appears to be universal (e.g., Elmegreen & Efremov 1997)
and is supported by observations of super star clusters (Meurer
et al. 1995; Zhang et al. 2001) and ordinary H ii regions (Oey &
Clarke 1998). It also appears to extend down to the individ-
ual massive stars in the field (Oey et al. 2004). Therefore, we do
expect the contribution of ionization from field stars to decrease
from about one-quarter of the total ionizing emission in ordi-
nary star-forming galaxies to about one-tenth in galaxies with
the highest SFR. Since our starburst galaxies, defined as those
with the highest SFI, maywell have extreme SFRs, a lower frac-
tion of field massive stars is plausible.

We test this possibility in Figure 12, which shows the H! dif-
fuse fraction versus total H! luminosity of the sample galaxies.
The symbols correspond to the star formation categories as be-
fore. Certainly there is no well-defined anticorrelation, as would
be expected if this scenario were the origin of that seen in Fig-
ure 11. Thus, possibility 1b above, that starbursts have lower
fWIM strictly because of a reduced population of ionizing field
OB stars, appears to be ruled out.

We now consider possibility 2a above, that ionizing radiation
escapes from the starbursts, underionizing the diffuse ISM. Clarke
& Oey (2002) calculated a crude parameterization for a threshold
in SFR above which galaxies are expected to release ionizing
photons and galactic superwinds:

SFRcrit ¼ 0:15

 
MISM;10ṽ210

fd

!
M' yr$1; ð5Þ

where MISM;10 is the ISM mass in units of 1010 M', ṽ10 is the
thermal velocity of the ISM in units of 10 km s$1, and fd is a

Fig. 10.—H! diffuse fraction vs. galaxyH i gas fraction asmeasured byMH i /LR.
Symbols for different star formation categories are as in Fig. 3, and galaxies that
have only upper limits onMH i are omitted for clarity. [See the electronic edition of
the Journal for a color version of this figure.]

Fig. 11.—H! diffuse fraction vs. H! surface brightness, a measure of
SFI. Symbols correspond to the H i gas fraction MH i /LR as shown, in units of
M' /L', and plus symbols indicate galaxies whose H i gas fractions are only
upper limits. Note that starburst galaxies are defined as those having
log!H!/(erg s$1 kpc$2) > 39:4. The curve has a form given by eq. (7).

Fig. 12.—WIM fraction vs. total SFR as measured by galaxy total H! lumi-
nosity. Symbols for different star formation categories are as in Fig. 3. [See the
electronic edition of the Journal for a color version of this figure.]

SINGG. III. 811No. 2, 2007

Oey%et%al%(2007%ApJ)
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background emission at the same velocity, [N ii]/H! from the
loops and filaments themselves is even more depressed com-
pared to the adjacent regions than these maps suggest. The lower
[N ii]/H! ratios in the filamentary structures, particularly in the
brighter H! regions south of the plane where contamination by
the fainter WIM along the line of sight is negligible, provide
strong evidence that these filaments are not enhancements result-
ing from folds and edge projections of the ionized outer skin of
the superbubble but instead are regions of cooler temperature.
Furthermore, the generally lower [N ii]/H! within the entire super-
bubble compared to that in themore diffuseWIM at l > 150!, for
example, implies that the WIM cannot be explained entirely by
the superposition of regions like the Perseus superbubble.

In the [S ii]/H! map the contrast between the filaments and the
background is not as high. Since the line ratio [S ii]/H! is a com-

bination of temperature and ionization effects, this decrease in
contrast may be due to changes in the ionization fraction of S+/S
that ‘‘wash out’’ the temperature effects we see in the [N ii]/H!
map. This is further evidence that the H! enhanced filaments
and loops are not simply due to geometrical projection effects of
an ionized shell and that the ionization conditions (S+/S) within
the superbubble differ from those in the WIM.
Quantitative comparisons between the W4 H ii region, the

superbubble, and the diffuse WIM outside the boundary of the
superbubble are shown in Figures 15 and 16. Data points with
uncertainties larger than 0.1 in the ratio are not shown. Obser-
vations within 1N5 of spectroscopically confirmed members of
the Cas OB6 association are shown in green; sight lines through
the superbubble, defined as all points with l < 150!, are shown
in red; and the WIM observations, defined as all points with

Fig. 11.—Histogram-equalized emission-line maps of H! , [N ii]/H! , [S ii]/H! , and [S ii]/[N ii] with jvLSRj < 15 km s"1 toward most of the region shown in Fig. 8.
The bright emission from this nearby gas is dominated by several large, bright O star H ii regions that appear as dark regions in the line ratio maps. The faint, diffuse
background (WIM) appears as ‘‘bright’’ regions in the [N ii]/H! and [S ii]/H! maps. Note the exceptional appearance of the H ii region around " Per, near (130!,
"10!), which is ionized by a B0.5+sdO binary system.

MADSEN, REYNOLDS, & HAFFNER416 Vol. 652

H%II%region

WIM

Forbidden&
line&emission
•WIM%is%disQnct%from%

locally=ionised%

classical%H%II%regions%
(Reynolds%1985%ApJ)

= Elevated%[N%II]%/%Hα%

and%[S%II]%/%Hα

Madsen,%Reynolds,%&%Haffner%(2006%ApJ)

We now proceed to compare the spectral characteristics of
these classical H ii regions with those of the much larger scale
emission features revealed by the WHAMH! survey, including
the diffuse WIM.

5. THE WARM IONIZED MEDIUM

As mentioned in xx 1 and 2, the spectral characteristics of the
WIM differ significantly from the classical H ii regions. This has
been discussed in detail in earlier studies (e.g., Haffner et al. 1999).
As an illustration of the principal difference between WIM and
H ii region spectra, we show H! , [N ii], and [S ii] observations
toward the O star H ii region Sivan 2 in Figure 2. Two radial ve-
locity components are present along this line of sight. Velocity
channel maps from the WHAM survey show that the emission
near vLSR ¼ 0 km s"1 is associated with diffuse foreground emis-
sion (i.e., the local WIM). This emission was well separated in
velocity from theH ii region emission, allowing a direct compari-
son of the relative intensities of the lines from the two different
sources in the same spectrum.

The velocity of each component was determined from a least-
squares fit of a sum of Gaussian profiles to the [S ii] spectrum.
The [S ii] spectrum was chosen because of its narrow, well-
resolved component profiles and its high signal-to-noise ratio.
The resulting component velocities are shown as vertical dashed
lines in the figure. The strength of each component was calcu-
lated from a two-component Gaussian fit to each spectrum in
which the velocities for each component were fixed as deter-
mined from the [S ii] spectrum.

These spectra clearly reveal that [N ii] k6584/H! , [N ii]
k5775/H! , and [S ii]/H! are significantly higher in the dif-
fuse gas compared to the H ii region, with ½N ii$/H! ¼ 0:83 and
½S ii$/H! ¼ 0:38 in the WIM, compared to 0.23 and 0.12, re-
spectively, for the H ii region. The [N ii]/H! data suggest that
the temperature of the diffuse gas is T % 9000 K, compared to
%6100K for the H ii region. The high temperature derived for the
WIM relative to the H ii region, from the [N ii]k6584/H! ratio
(x 2), is confirmed by observations of the highly temperature-
sensitive [N ii] k5755 emission line. These observations show
relatively bright [N ii] k5755 emission for the fainter (in H! )
WIM component, while the [N ii] k5755 line is not even detected
in the cooler H ii region component (see also x 8).

Additional differences between the H ii regions, theWIM, and
other faint, large-scale emission features in the H! sky are dis-
cussed in the following sections. For this paper, the ‘‘WIM’’
refers to the gas that produces the faint, diffuse emission outside
the classical H ii regions, extended bubbles and superbubbles,
and high-latitude filamentary structures.

6. H i CAVITIES AND SUPERBUBBLES

One of the basic questions concerning the nature of the WIM
is how ionizing photons from O stars are able to travel hundreds
of parsecs from the stars. One possibility is the existence of enor-
mous H iYfree bubbles surrounding some of the O stars. In xx 6.1
and 6.2 we examine in detail the faint optical line emission as-
sociated with two very extended bubble-like regions that have
diameters of&40'Y60' (up to 2 kpc in extent) and are ionized by
luminous O associations. The line ratios are then compared with
ratios in the more diffuse WIM to examine whether the WIM
could be a superposition of such regions.

6.1. Orion-Eridanus Bubble

One of the largest networks of interconnected H! -emitting
structures in theWHAM sky survey appears in the constellations

of Orion and Eridanus, shown in Figure 3. The presence of
optical- and radio-emitting filaments in this general direction has
been known for many years. Reynolds & Ogden (1979) carried
out velocity-resolved emission-line observations of this region
and found that the filaments, loops, and enhanced H! emission
are all part of an expanding shell of neutral and ionized gas with
a diameter of %280 pc. They suggested that Lyman continuum

Fig. 2.—Emission-line spectra toward the H ii region Sivan 2. Two velocity
components are indicated by the dashed vertical lines, one near "31 km s"1 as-
sociated with the H ii region and the other near "3 km s"1 associated with the
fainter, diffuse WIM. The [N ii] k5755 spectrum has been multiplied by 50 to
facilitate the comparison with the H! profile. Note that the [N ii] and [S ii] emis-
sion lines are brighter relative to H! for the WIM component, suggesting that
the WIM gas is warmer. The elevated [N ii] k5755/H! ratio confirms that the
WIM gas isk3000 K warmer than the H ii region.

SURVEY OF WARM IONIZED GAS 407No. 1, 2006

(117.6°,&U11.1°)
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We now proceed to compare the spectral characteristics of
these classical H ii regions with those of the much larger scale
emission features revealed by the WHAMH! survey, including
the diffuse WIM.

5. THE WARM IONIZED MEDIUM

As mentioned in xx 1 and 2, the spectral characteristics of the
WIM differ significantly from the classical H ii regions. This has
been discussed in detail in earlier studies (e.g., Haffner et al. 1999).
As an illustration of the principal difference between WIM and
H ii region spectra, we show H! , [N ii], and [S ii] observations
toward the O star H ii region Sivan 2 in Figure 2. Two radial ve-
locity components are present along this line of sight. Velocity
channel maps from the WHAM survey show that the emission
near vLSR ¼ 0 km s"1 is associated with diffuse foreground emis-
sion (i.e., the local WIM). This emission was well separated in
velocity from theH ii region emission, allowing a direct compari-
son of the relative intensities of the lines from the two different
sources in the same spectrum.

The velocity of each component was determined from a least-
squares fit of a sum of Gaussian profiles to the [S ii] spectrum.
The [S ii] spectrum was chosen because of its narrow, well-
resolved component profiles and its high signal-to-noise ratio.
The resulting component velocities are shown as vertical dashed
lines in the figure. The strength of each component was calcu-
lated from a two-component Gaussian fit to each spectrum in
which the velocities for each component were fixed as deter-
mined from the [S ii] spectrum.

These spectra clearly reveal that [N ii] k6584/H! , [N ii]
k5775/H! , and [S ii]/H! are significantly higher in the dif-
fuse gas compared to the H ii region, with ½N ii$/H! ¼ 0:83 and
½S ii$/H! ¼ 0:38 in the WIM, compared to 0.23 and 0.12, re-
spectively, for the H ii region. The [N ii]/H! data suggest that
the temperature of the diffuse gas is T % 9000 K, compared to
%6100K for the H ii region. The high temperature derived for the
WIM relative to the H ii region, from the [N ii]k6584/H! ratio
(x 2), is confirmed by observations of the highly temperature-
sensitive [N ii] k5755 emission line. These observations show
relatively bright [N ii] k5755 emission for the fainter (in H! )
WIM component, while the [N ii] k5755 line is not even detected
in the cooler H ii region component (see also x 8).

Additional differences between the H ii regions, theWIM, and
other faint, large-scale emission features in the H! sky are dis-
cussed in the following sections. For this paper, the ‘‘WIM’’
refers to the gas that produces the faint, diffuse emission outside
the classical H ii regions, extended bubbles and superbubbles,
and high-latitude filamentary structures.

6. H i CAVITIES AND SUPERBUBBLES

One of the basic questions concerning the nature of the WIM
is how ionizing photons from O stars are able to travel hundreds
of parsecs from the stars. One possibility is the existence of enor-
mous H iYfree bubbles surrounding some of the O stars. In xx 6.1
and 6.2 we examine in detail the faint optical line emission as-
sociated with two very extended bubble-like regions that have
diameters of&40'Y60' (up to 2 kpc in extent) and are ionized by
luminous O associations. The line ratios are then compared with
ratios in the more diffuse WIM to examine whether the WIM
could be a superposition of such regions.

6.1. Orion-Eridanus Bubble

One of the largest networks of interconnected H! -emitting
structures in theWHAM sky survey appears in the constellations

of Orion and Eridanus, shown in Figure 3. The presence of
optical- and radio-emitting filaments in this general direction has
been known for many years. Reynolds & Ogden (1979) carried
out velocity-resolved emission-line observations of this region
and found that the filaments, loops, and enhanced H! emission
are all part of an expanding shell of neutral and ionized gas with
a diameter of %280 pc. They suggested that Lyman continuum

Fig. 2.—Emission-line spectra toward the H ii region Sivan 2. Two velocity
components are indicated by the dashed vertical lines, one near "31 km s"1 as-
sociated with the H ii region and the other near "3 km s"1 associated with the
fainter, diffuse WIM. The [N ii] k5755 spectrum has been multiplied by 50 to
facilitate the comparison with the H! profile. Note that the [N ii] and [S ii] emis-
sion lines are brighter relative to H! for the WIM component, suggesting that
the WIM gas is warmer. The elevated [N ii] k5755/H! ratio confirms that the
WIM gas isk3000 K warmer than the H ii region.
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We now proceed to compare the spectral characteristics of
these classical H ii regions with those of the much larger scale
emission features revealed by the WHAMH! survey, including
the diffuse WIM.

5. THE WARM IONIZED MEDIUM

As mentioned in xx 1 and 2, the spectral characteristics of the
WIM differ significantly from the classical H ii regions. This has
been discussed in detail in earlier studies (e.g., Haffner et al. 1999).
As an illustration of the principal difference between WIM and
H ii region spectra, we show H! , [N ii], and [S ii] observations
toward the O star H ii region Sivan 2 in Figure 2. Two radial ve-
locity components are present along this line of sight. Velocity
channel maps from the WHAM survey show that the emission
near vLSR ¼ 0 km s"1 is associated with diffuse foreground emis-
sion (i.e., the local WIM). This emission was well separated in
velocity from theH ii region emission, allowing a direct compari-
son of the relative intensities of the lines from the two different
sources in the same spectrum.

The velocity of each component was determined from a least-
squares fit of a sum of Gaussian profiles to the [S ii] spectrum.
The [S ii] spectrum was chosen because of its narrow, well-
resolved component profiles and its high signal-to-noise ratio.
The resulting component velocities are shown as vertical dashed
lines in the figure. The strength of each component was calcu-
lated from a two-component Gaussian fit to each spectrum in
which the velocities for each component were fixed as deter-
mined from the [S ii] spectrum.

These spectra clearly reveal that [N ii] k6584/H! , [N ii]
k5775/H! , and [S ii]/H! are significantly higher in the dif-
fuse gas compared to the H ii region, with ½N ii$/H! ¼ 0:83 and
½S ii$/H! ¼ 0:38 in the WIM, compared to 0.23 and 0.12, re-
spectively, for the H ii region. The [N ii]/H! data suggest that
the temperature of the diffuse gas is T % 9000 K, compared to
%6100K for the H ii region. The high temperature derived for the
WIM relative to the H ii region, from the [N ii]k6584/H! ratio
(x 2), is confirmed by observations of the highly temperature-
sensitive [N ii] k5755 emission line. These observations show
relatively bright [N ii] k5755 emission for the fainter (in H! )
WIM component, while the [N ii] k5755 line is not even detected
in the cooler H ii region component (see also x 8).

Additional differences between the H ii regions, theWIM, and
other faint, large-scale emission features in the H! sky are dis-
cussed in the following sections. For this paper, the ‘‘WIM’’
refers to the gas that produces the faint, diffuse emission outside
the classical H ii regions, extended bubbles and superbubbles,
and high-latitude filamentary structures.

6. H i CAVITIES AND SUPERBUBBLES

One of the basic questions concerning the nature of the WIM
is how ionizing photons from O stars are able to travel hundreds
of parsecs from the stars. One possibility is the existence of enor-
mous H iYfree bubbles surrounding some of the O stars. In xx 6.1
and 6.2 we examine in detail the faint optical line emission as-
sociated with two very extended bubble-like regions that have
diameters of&40'Y60' (up to 2 kpc in extent) and are ionized by
luminous O associations. The line ratios are then compared with
ratios in the more diffuse WIM to examine whether the WIM
could be a superposition of such regions.

6.1. Orion-Eridanus Bubble

One of the largest networks of interconnected H! -emitting
structures in theWHAM sky survey appears in the constellations

of Orion and Eridanus, shown in Figure 3. The presence of
optical- and radio-emitting filaments in this general direction has
been known for many years. Reynolds & Ogden (1979) carried
out velocity-resolved emission-line observations of this region
and found that the filaments, loops, and enhanced H! emission
are all part of an expanding shell of neutral and ionized gas with
a diameter of %280 pc. They suggested that Lyman continuum

Fig. 2.—Emission-line spectra toward the H ii region Sivan 2. Two velocity
components are indicated by the dashed vertical lines, one near "31 km s"1 as-
sociated with the H ii region and the other near "3 km s"1 associated with the
fainter, diffuse WIM. The [N ii] k5755 spectrum has been multiplied by 50 to
facilitate the comparison with the H! profile. Note that the [N ii] and [S ii] emis-
sion lines are brighter relative to H! for the WIM component, suggesting that
the WIM gas is warmer. The elevated [N ii] k5755/H! ratio confirms that the
WIM gas isk3000 K warmer than the H ii region.
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DIG. We did not correct for stellar H! absorption because
the H! emission line is typically 3 or more times brighter
than the H" emission line, while the stellar H! absorption is
the same or weaker than the H" absorption, so the correc-
tion would only amount to a few percent.

3. RESULTS

DIG was detected in the spectra of all three galaxies. The
results for diagnostic line ratios in each galaxy are discussed
below. The line ratios for doublets refer to the brightest of
the lines, #6584 for [N ii], #6716 for [S ii], and #5007 for [O
iii]. In all of the spectra the bright night-sky lines near 6300
Å prevented any measurement of [O i] #6300.

3.1. M81

The M81 spectrum had very low signal because of the
clouds. Therefore, the results presented here are tentative.
One H ii region and a region of bright DIG had enough sig-
nal to extract spectra. The locations of these regions are
shown in Figure 3. Line ratios for these regions are given in
Table 2. The H! surface brightness (measured on the H!
image, not the spectrum) ranges from about 40 to 150 pc
cm!6 in the DIG region. The [S ii]/H! and [N ii]/H! line
ratios in the DIG follow the same trend seen in other spiral
galaxies, in that they are enhanced relative to H ii regions.
The trends agree with the photoionization predictions of
Domgörgen & Mathis (1994), although the [N ii]/H! ratio
is fairly high compared to other galaxies. However, the [O
iii]/H" ratio is higher than in the neighboring H ii region,
which contradicts these models, which typically predict [O
iii]/H" ratios of 0.1–0.2 (Mathis 2000). This DIG is bright
enough that H" absorption should not have a large effect on
the [O iii]/H" ratio.

Spectroscopy of the DIG in M81 was previously pre-
sented by Wang et al. (1997). The slit for their spectrum was
centered on the bulge and included the DIG surrounding
the nucleus. As noted by those authors, the DIG in this
region may have a different origin than DIG in the rest of
the galaxies and may be associated with the LINER nucleus
or evolved stars (Devereux, Jacoby, & Ciardullo 1995). The
line ratios thatWang et al. (1997) found in this gas are some-
what higher than those reported here for M81 and are
higher than seen in the DIG of the other galaxies in their
sample, supporting their conclusion that the gas in the bulge

region is different from what is usually called DIG. Wang et
al. (1997) did not detect the [O iii] lines in M81 because of
the bright stellar disk.

3.2. M33 andHe iEmission in the DIG

Three pointings were observed in M33, two centered on
NGC 604 and the surrounding DIG (slits 1 and 2 in Table 1
and Fig. 1) and one near NGC 595 and the surrounding
DIG (slit 3). In the 1998 November 19 slit of NGC 604 (slit
2) as well as the NGC 595 slit, all of the important red lines
were covered, but the He i line was very close to the edge of
the detector. In the other (slit 1), the wavelength range was
chosen such that He i was better centered at the expense of
the [S ii] lines, which were not included in the spectrum. Line
ratios for all of the extracted apertures are given in Table 3.

Figure 4 shows various line ratios along slit 2 (NGC 604).
The extracted spectra were averaged over 100 pc. In general,
the [S ii]/H! and [N ii]/H! ratios are enhanced in the DIG
compared to the ratios within NGC 604. The H! surface
brightness is shown in the figure, and the lowest line ratios
occur at the H! peak. The [O iii]/H" ratio is also shown
with the H! surface brightness. The [S ii]/[N ii] ratio does
not vary much along the slit. The [O iii]/H" ratio is
enhanced west of the H ii regions, and on the east side it is
about equal to the H ii region value. A trend with H!

Fig. 3.—H! image of a section of M81 showing the locations of the
extracted spectra. Extraction 1 is an H ii region, and extraction 2 is DIG.
For a distance scale, the line marking aperture 2 is 780 pc in length.

TABLE 2

M81 Line Ratios

Aperturea [N ii] #6584/H! [S ii] #6716/H! [O iii] #5007/H"

H iiRegion (1) .... 0.36" 0.01 0.13" 0.01 0.74" 0.01
DIG (2) ............... 0.67" 0.08 0.53" 0.08 1.26" 0.14

a The numbers in parentheses refer to the extracted regions in Fig. 3.

Fig. 4.—Line ratios along the slit through NGC 604 in M33 from 1998
November 19 (slit 2 in Fig. 1). The top panel shows the [S ii]/H! and [N ii]/
H! ratios, the middle panel shows the [S ii]/[N ii] ratio, and the bottom
panel shows the [O iii]/H" ratio. The solid lines in the panels show the emis-
sionmeasure inferred fromH!.

906 HOOPES & WALTERBOS Vol. 586

Hoopes%&%Walterbos%(2003%ApJ)

NGC%604%in%M33

Fig. 1.—H! images of M81 (top), M33 (bottom left), andM51 (bottom right), showing the slit locations. North is up and east is left in all three panels. NGC
5195 is north of M51 in the bottom right panel, crossed by the slits labeled 2 and 4 (see Greenawalt et al. 1998). The scale bar at the bottom of each panel is 2
kpc long at the assumed distance to each galaxy (3.6Mpc forM81, 0.84Mpc forM33, and 9.6Mpc forM51).

TABLE 1

Observations

Galaxya Date
Exposure Time

(minutes) Weather RedNoiseb Blue Noiseb

M81 ................. 1998 Feb 2 1! 38 Clouds 8.0! 10"18c 2.0! 10"18c

M33 (slit 1)....... 1997 Nov 29 2! 90 Clear 1.0! 10"18 3.5! 10"19

M33 (slit 2)....... 1998 Nov 18 2! 40 Thin clouds 2.8! 10"18 6.0! 10"19

M33 (slit 3)....... 1998 Nov 18 2! 30 Thin clouds 2.5! 10"18 7.1! 10"19

M51 (slit 1)....... 1997 Jun 29 2! 60 Thin clouds 2.0! 10"18 5.0! 10"19

M51 (slit 2)....... 1998 Feb 27 2! 50 Clear 1.0! 10"18 4.0! 10"19

M51 (slit 3)....... 1998 Apr 22 2! 105 Clear 1.3! 10"18 2.3! 10"19

M51 (slit 4)....... 1998 Apr 22 2! 100 Clear 1.3! 10"18 2.9! 10"19

a The slit numbers in parentheses refer to the numbered slit positions in Fig. 1.
b The noise is the background, given in ergs cm"2 s"1 Å"1 arcsec"2.
c TheM81 spectrumwas not flux-calibrated, so the noise was estimated.
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Haffner et al (2009 Rev Mod Phys)

!b" Values for #S II$ /H! and #N II$ /H! vary greatly,
but are strongly correlated, often with a nearly con-
stant #S II$ / #N II$ ratio over large regions. For the
Galaxy, the ratio of #S II$ / #N II$ does not vary by
more than about a factor of 2, except in the vicinity
of a discrete ionizing source !e.g., an O star".

As pointed out by Haffner et al. !1999", this behavior
suggests that changes in the line ratios are due primarily
to changes in Te. Thus statement !b" above follows from
the fact that the #S II$ and #N II$ lines have nearly iden-
tical excitation energies, so that

I6716

I6583
= 4.69

!S/H"
!N/H"

!S+/S"
!N+/N"

e0.04/T4T4
−0.119, !1"

which is only a very weak function of T4!%Te /104 K".
From T4=0.5 to 1.0 with all else constant, #S II$ / #N II$
decreases only about 11%. This relationship also indi-
cates that the relatively small but real variations of
#S II$ / #N II$ that are observed in the WIM are tracing
variations of S+/N+. Combined with the very different
energies required for S+→S2+ !23.3 eV" and N+→N2+

!29.6 eV", we conclude that S+/S, and especially N+/N,
vary little in the WIM and that the smaller !factor of 2"
variations in #S II$ / #N II$ are due primarily to variations
in S+/S. This is supported by photoionization models
!see, e.g., Sembach et al., 2000", which have shown that
N+/N&0.8 over a wide range of input spectra and ion-
ization parameters.

On the other hand, the strong temperature depen-
dence of the forbidden line intensities relative to H! is
illustrated by the relationship for #N II$ /H!,

I6583

IH!
= 1.63 " 105'H+

H
(−1'N

H
('N+

N
(T4

0.426e−2.18/T4.

!2"

Because N+/N and H+/H vary little within the WIM,
variations in #N II$ /H! essentially trace variations in Te.
Similar relationships can be written for #O II$, #S II$, and
for other collisionally excited lines !see Otte et al., 2001".

Using Eqs. !1" and !2", we can construct diagnostic
diagrams as presented by Haffner et al. !1999" and Mad-
sen et al. !2006" to estimate both Te and S+/S from ob-
servations of #N II$ /H! and #S II$ /H!, as shown in Fig.
2 #adapted from Madsen !2004"$. With sufficient velocity
resolution it has even been possible to study variations
in these parameters between different radial velocity
components along the same line of sight. These results
reveal that within the WIM there are variations in tem-
peratures ranging between about 7000 and 10 000 K and
variations in S+/S between 0.3 and 0.7. For comparison,
the bright classical H II regions all cluster near the lower
left corner of the plot, #S II$ /H!&0.1 and #N II$ /H!
&0.25, where Te=6000–7000 K and S+/S&0.25.

#O II$ at #3727 has a larger excitation energy than
#N II$, making it even more sensitive to variations in Te.
Although inaccessible with WHAM, several extragalac-
tic studies !Tüllmann and Dettmar, 2000; Otte et al.,
2001, 2002" have traced this line, and new instrumenta-
tion is starting to allow studies of #O II$ from the WIM
!Mierkiewicz et al., 2006" of the Milky Way. The #O II$
observations confirm that the line ratio variations are
dominated by variations in Te.

Te

S+/S

IHα

FIG. 2. Diagnostic line ratio diagrams. A large portion of the Galaxy in the direction of the Perseus arm !!=130° to 160° and
b=−30° to +30°, approximately" has been surveyed in H!, #S II$, and #N II$ with WHAM. These panels show !left" the relationship
between the ratios vs the intensity of H! as well as !right" the relationship between the two ratios for the “local” gas component
!)vLSR)$15 km s−1". A few specific spatial regions are highlighted with grayscale fill to show the effects of local ionizing sources:
the planetary nebula !PN" S216, the H II region surrounding the B0.5+sdO system % Per, and regions near O-star H II regions.
Other data points sample the WIM. In the diagram on the right, the vertical dashed lines represent Te=5000, 6000, 7000, 8000,
9000, and 10 000 K, from left to right. The slanted solid lines represent S+/S=0.25, 0.50, 0.75, and 1.00, lowest to highest slope.
These WIM data reveal significant variations in Te and S+/S from one line of sight to the next. In contrast, classical H II regions
all cluster in the lower left corner of this diagram near #N II$ /H!&0.25, #S II$ /H!&0.1. From Madsen, 2004.
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respect to the classical H ii regions, superbubbles, and the more
diffuse WIM.

7.1. The Northern Filaments

A remarkable, !2" ; 60", H! filament rises vertically more
than 50" from theGalactic plane near longitude l ¼ 225". As shown
in Figure 17, another filament, about 30" long, traverses this longer
filament at a right angle near +37" latitude. We refer to these as
the ‘‘northern filaments’’ to distinguish them from a comparably
sized feature on theWHAMsurveymap near l $ 75" that extends
south of the Galactic plane from b $ %15" to b $ %55". (This
‘‘southern filament’’ was not included in this study because of
the complex kinematics of the gas toward and near the filament.)
Haffner et al. (1998) examined the region of the northern fila-
ments and found no correspondence of the H! emission with
observational tracers of any other phases of the ISM. A radial

velocity gradient along the length of the vertical filament, from
+18 km s%1 near the midplane to %25 km s%1 at the highest
latitude, suggests that it is a coherent strand of gas and not sim-
ply an enhancement resulting from an increase in geometrical
path through the edge of a very low surface brightness shell.
They also noted that the lower parts of the filament are at the
same longitude as the H ii region S292 surrounding the CMa
OB1 association in the Galactic plane and that the emission
from this part of the filament appears at the same radial veloc-
ity as the H ii region. If the long filament is at the same dis-
tance as the OB association ($1 kpc), then it reaches a vertical
height of $1.2 kpc above the plane and has a density near
0.3 cm%3. Haffner et al. (1998) suggest that the diffuse ionized
gas in these filaments is not likely to be material that has been
ejected from the star-forming region below it. Instead, they
argue that the relatively constant H! surface brightness along

Fig. 14.—Histogram-equalized emission-line maps of H! , [N ii]/H! , [S ii]/H! , and [S ii]/[N ii] with%75 km s%1 < vLSR < %45 km s%1 toward the same region
shown in Fig. 11. The H! emission from this distant gas in the Perseus arm (!2 kpc) shows a large bipolar loop structure centered on theW4 H ii region near (135", 0").
These loops appear as depressions in the [N ii]/H! and [S ii]/H! maps, suggesting that they are regions of lower temperature compared to the diffuse background. The
anticorrelation between IH! and [N ii]/H! can be traced along several individual filaments with b < %10".
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Fig. 2. Line ratios (corrected for interstellar extinction) plotted as a function of |z|. Theoretical line ratios (dotted lines) based on temperature
profiles (measured from nitrogen emission, upper right) are fitted to the data by variing the corresponding ionization fraction. are
from temperature determinations using upper limits of [N ii]λ5755 emission and are given as a consistency check.

make this galaxy the most outstanding and challenging test-
bench for future ionization models.

Since common photoionization models are unable to repro-
duce the data for halo DIG in external galaxies as well as the
Reynolds-layer of the Milky Way, recent studies (e.g., Rand
1998, Reynolds et al. 1999, Tüllmann & Dettmar 2000) have
pointed out the need to involve additional ionization and/or heat-
ing mechanisms such as shocks, photoelectric heating by dust,
or magnetic reconnection. These mechanisms should increase
the electron temperature without affecting the ionization stage
of an atom and dominate in the halo over collisional ionization.
Following Haffner et al. (1999) and Collins&Rand (2000, CR
hereafter) we used the [N ii]λ6583 emission line to determine a
temperature profile (shown in the upper right diagram of Fig. 2)
which varies between 6500 and 9200K. This profile can be used
to derive theoretical line ratios (dotted lines in Fig. 2) for oxy-
gen and sulfur. In order to fit the observed ratios, the ionization
fraction as the only free parameter is changed accordingly. For
consistency we also derived electron temperatures for the east-
ern part of NGC5775 which are based on upper limits of the
[N ii]λ5755 emission line (Osterbrock, 1989). They have been
estimated to be 7350K in the disk (at 0.5 kpc), 7750K for the
NE filament, and 7900K for the SW filament (both measured at

5.0 kpc), respectively. These values are in good agreement with
our temperature determinations mentioned above and also with
profiles obtained by CR for the central and western part of this
galaxy.

Furthermore, plots on the right of Fig. 2 reveal prominent
gradients which decrease as the ionization stage of oxygen in-
creases. A likely physical reason could be a rising temperature
towards the halo, according to Reynolds et al. (1999). This can
simply be shown ifwe plot theoretical oxygen line ratios per ion-
ization fraction vs. electron temperature. As a result [O i]/Hα in-
creases much faster with T than [O ii]/Hα or [O iii]/Hα. Hence,
different temperature dependencies of oxygen ionization stages
are able to reflect the observed gradients.

3.2. Kinematics

Themost surprising result revealed by our deep spectra concerns
the kinematics of DIG at large z. The bright emission lines of
hydrogen, nitrogen, and oxygen have been used to derive helio-
centric velocities for theDIG as a function of z (vertical distance
above the plane). As can be seen in Fig. 3 the gas velocity is with
1822 ± 8 km s−1 highest at z = 0 kpc and −1.6 kpc, decreasing
slowly towards larger z distances, finally reaching values close
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!b" Values for #S II$ /H! and #N II$ /H! vary greatly,
but are strongly correlated, often with a nearly con-
stant #S II$ / #N II$ ratio over large regions. For the
Galaxy, the ratio of #S II$ / #N II$ does not vary by
more than about a factor of 2, except in the vicinity
of a discrete ionizing source !e.g., an O star".

As pointed out by Haffner et al. !1999", this behavior
suggests that changes in the line ratios are due primarily
to changes in Te. Thus statement !b" above follows from
the fact that the #S II$ and #N II$ lines have nearly iden-
tical excitation energies, so that
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which is only a very weak function of T4!%Te /104 K".
From T4=0.5 to 1.0 with all else constant, #S II$ / #N II$
decreases only about 11%. This relationship also indi-
cates that the relatively small but real variations of
#S II$ / #N II$ that are observed in the WIM are tracing
variations of S+/N+. Combined with the very different
energies required for S+→S2+ !23.3 eV" and N+→N2+

!29.6 eV", we conclude that S+/S, and especially N+/N,
vary little in the WIM and that the smaller !factor of 2"
variations in #S II$ / #N II$ are due primarily to variations
in S+/S. This is supported by photoionization models
!see, e.g., Sembach et al., 2000", which have shown that
N+/N&0.8 over a wide range of input spectra and ion-
ization parameters.

On the other hand, the strong temperature depen-
dence of the forbidden line intensities relative to H! is
illustrated by the relationship for #N II$ /H!,

I6583

IH!
= 1.63 " 105'H+

H
(−1'N

H
('N+

N
(T4

0.426e−2.18/T4.

!2"

Because N+/N and H+/H vary little within the WIM,
variations in #N II$ /H! essentially trace variations in Te.
Similar relationships can be written for #O II$, #S II$, and
for other collisionally excited lines !see Otte et al., 2001".

Using Eqs. !1" and !2", we can construct diagnostic
diagrams as presented by Haffner et al. !1999" and Mad-
sen et al. !2006" to estimate both Te and S+/S from ob-
servations of #N II$ /H! and #S II$ /H!, as shown in Fig.
2 #adapted from Madsen !2004"$. With sufficient velocity
resolution it has even been possible to study variations
in these parameters between different radial velocity
components along the same line of sight. These results
reveal that within the WIM there are variations in tem-
peratures ranging between about 7000 and 10 000 K and
variations in S+/S between 0.3 and 0.7. For comparison,
the bright classical H II regions all cluster near the lower
left corner of the plot, #S II$ /H!&0.1 and #N II$ /H!
&0.25, where Te=6000–7000 K and S+/S&0.25.

#O II$ at #3727 has a larger excitation energy than
#N II$, making it even more sensitive to variations in Te.
Although inaccessible with WHAM, several extragalac-
tic studies !Tüllmann and Dettmar, 2000; Otte et al.,
2001, 2002" have traced this line, and new instrumenta-
tion is starting to allow studies of #O II$ from the WIM
!Mierkiewicz et al., 2006" of the Milky Way. The #O II$
observations confirm that the line ratio variations are
dominated by variations in Te.

Te

S+/S

IHα

FIG. 2. Diagnostic line ratio diagrams. A large portion of the Galaxy in the direction of the Perseus arm !!=130° to 160° and
b=−30° to +30°, approximately" has been surveyed in H!, #S II$, and #N II$ with WHAM. These panels show !left" the relationship
between the ratios vs the intensity of H! as well as !right" the relationship between the two ratios for the “local” gas component
!)vLSR)$15 km s−1". A few specific spatial regions are highlighted with grayscale fill to show the effects of local ionizing sources:
the planetary nebula !PN" S216, the H II region surrounding the B0.5+sdO system % Per, and regions near O-star H II regions.
Other data points sample the WIM. In the diagram on the right, the vertical dashed lines represent Te=5000, 6000, 7000, 8000,
9000, and 10 000 K, from left to right. The slanted solid lines represent S+/S=0.25, 0.50, 0.75, and 1.00, lowest to highest slope.
These WIM data reveal significant variations in Te and S+/S from one line of sight to the next. In contrast, classical H II regions
all cluster in the lower left corner of this diagram near #N II$ /H!&0.25, #S II$ /H!&0.1. From Madsen, 2004.
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WIM&Observadons&(Reynolds&et&al&1998&ApJ,&Haffner&
et&al&1999&ApJ,&Madsen&et&al&2006&ApJ)

• [O%I],%[O%III],%and%He%I%all%very%faint

• 0.1%≲%[O%II]%/%Hα%≲%0.6%(Mierkiewicz&et&al&2006&ApJL)

• [S%II]%/%Hα%and%[N%II]%/%Hα%are%correlated%with%each%

other

• [S%II]%/%[N%II]%relaQvely%independent%of%Hα%intensity

Conclusions
• He0,%O+,%N+,%and%S+%are%dominant%ions%in%WIM

• H%II%regions%contain%significant%He+,%O++,%N++,%and&S++

18

IonizaQon%PotenQals%(eV)IonizaQon%PotenQals%(eV)IonizaQon%PotenQals%(eV)

Element 0→+ +%→%++

S 10.4 23.3

H 13.6

O 13.6 35.1

N 14.5 29.6

He 24.6 54.4
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– 28 –

Fig. 5.— A comparison of emission and absorption line constraints on ionization fractions for
several ions in the WIM. The ionization fractions derived here for S ions are shown for the M 3
(black) and M 5 (red) sight lines as in Figure 4. The shaded regions denote the range of values
seen by emission line constraints on the ionization fractions of of S+ (Haffner et al. 1999, Madsen
et al. 2006 as summarized in Haffner et al. 2009), O+2 (Madsen et al. 2006, Reynolds & Tufte
1995), and He+ (Madsen et al. 2006, Madsen 2004, Reynolds 1985b). We have excluded the
values associated with the northern filament studied by, e.g., Madsen et al. (2006) that seems to
show higher ionization fractions for O+2 and He+ than typically found in the diffuse WIM. The
lowest upper limits on the emission constraints are shown with downward facing arrows.

Howk%&%Consiglio%(2012%ApJ)

emission%line%constraints

UV%absorpQon%

constraints
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No. 1, 1999 REYNOLDS, HAFFNER, & TUFTE L23

Fig. 1.—Electron temperatures Te inferred from the [N ii]/Ha line intensity
ratios plotted vs. the distance FzF from the Galactic midplane in the Perseus
spiral arm (thick line). Also plotted are the best fits to this Te vs. FzF relation
for four cases in which the gas is heated by photoionization plus an additional
nonionizing source (see text).

TABLE 1
Heating Rate Coefficients for the Perseus Arm

Case
G0

(#10!24 ergs cm3 s!1)
G1

(#10!25 ergs s!1)
G2

(#10!27 ergs cm!3 s!1)

a . . . . . . 0.3 1.6 )
b . . . . . . 0.95 ) 7.6
c . . . . . . 0.9 0.65 )
d . . . . . . 1.35 ) 1.5

hydrogen, and ne is the rms electron density within the ionized
regions. Haffner et al. (1999) showed that for the same ranges
of l and b represented in Figure 1, R.!FzF/500I (FzF) ! 5.7eHa

Therefore, if L is assumed to have a value of 1000 pc (see
Fig. 1 in Becker & Fenkart 1970),

0.45 !0.5 !FzF/1000 !3F Fn ( z )=0.125T f e cm . (3)e 4

We consider two situations: (1) a constant filling fraction
(Reynolds 1991) and (2) a filling fraction that increasesf = 0.2

with FzF according to the relation given by Kulkarni & Heiles
(1987), that is, for pc. There isFzF/750f (FzF) = 0.1e FzF ! 1740
some evidence that f does in fact increase with distance from
the midplane (Reynolds 1991); however, the results are suffi-
ciently uncertain that both a constant and varying f are con-
sidered here.

3.4. Fits to the Te versus FzF Relation

We assume that the temperature is determined by a balance
between the cooling rate per unit volume ( ) in the diffuse2Lne
ionized gas and two heating rates: the net heating by photoion-
ization, given by , plus an additional heating term, given2G n0 e

either by or by just a constant G2. The heating-coolingG n1 e

balance can then be expressed as either orG " G /n = L0 1 e

, representing, for example, supplemental heat-2G " G /n = L0 2 e

ing by turbulent dissipation (G1) or by magnetic field recon-
nection (G2), respectively. Therefore, depending on the values
of G1 or G2 relative to G0, significantly increased heating (rel-
ative to photoionization) can occur as the density decreases.
This will result in higher equilibrium temperatures at lower
densities.
We have adopted the cooling function L for low-density

photoionized gas given in Osterbrock (1989). While this par-
ticular cooling function may not be exactly appropriate for the
WIM, for K (the temperature range considered here),T 1 7000e

it is a very good approximation because, like the model H ii
region in Osterbrock, the WIM’s cooling function is dominated
by [O ii] and [N ii]. An equilibrium temperature for each value
of FzF can be computed from equation (3) and one of the above
heating-cooling balance equations. The values of G0 and G1,
or G0 and G2, can then be adjusted to fit the Te versus FzF
distribution in Figure 1. The best-fit values are listed in
Table 1 for four cases: (a) supplemental heating and con-G n1 e

stant f; (b) supplemental heating G2 and constant f; (c) sup-
plemental heating and variable f(FzF); and (d) supple-G n1 e

mental heating G2 and variable f(FzF). The associated best-fit
curves are also plotted in Figure 1 for comparison with the Te
versus FzF inferred from the observed [N ii]/Ha ratios in the
Perseus arm. Note that the derived values for G1 and G2 are
proportional to and L!1, respectively, where L is the as-!1/2L
sumed path length through the Perseus arm. Also, Haffner et
al. (1999) discussed the possible contamination of the [N ii]
spectra by a weak atmospheric emission line. If this line is
present with the intensity of their upper limit (0.1 R), then the
best-fit values for G1 and G2 would be 20%–30% lower than
those presented in Table 1, while G0 would be less affected.

4. DISCUSSION

Figure 1 shows that all four cases give good fits to the
inferred Te versus FzF distribution, within the uncertainty im-
plied by the jaggedness of the distribution. Therefore, a sup-
plemental heat source with a heating rate per unit volume pro-
portional to or could account for the observed variations1 0n ne e

in the line intensity ratios. Moreover, these results place tight
constraints on the required rates, implying a photoionization
heating rate coefficient of ergs cm3 s and!24 !1G ≈ 1# 100
a supplemental rate coefficient of either !25G ∼ 1# 101
ergs s or G2 approximately a few times 10!27 ergs cm!1 !3

s . Thus, for cm , the heating rate per unit volume is!1 !3n 1 1e

dominated by photoionization, while below 0.1–0.04 cm , the!3

supplemental heating dominates. This value for G0 corresponds
to a stellar ionizing spectrum with K (Os-T ≈ 30,000–35,000eff
terbrock 1989), i.e., late O to early B, and is consistent with
the observations of weak He i recombination line emission from
the WIM (Tufte 1997; Reynolds & Tufte 1995; Heiles et al.
1996).
Values of G1 near ergs s (Table 1) have in fact!25 !11# 10

been predicted for the WIM in the Milky Way by models of
photoelectric grain heating (Reynolds & Cox 1992; Draine

Reynolds%et%al%(1999%ApJL)
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No. 1, 1998 DIFFUSE INTERSTELLAR [O i] EMISSION L101

Fig. 2.—Ha and [O i] l6300 difference spectra showing the interstellar
emission at , (upper panels) and , b 5 277.5 (lowerC C Cl 5 130 b 5 0 l 5 130
panels). The arrows denote the radial velocity of the Ha emission components
associated with the Perseus arm. The gap at 290 km s in the [O i] difference21

spectrum for 1307, 277.5 (lower right panel) is due to an oversubtraction of
the terrestrial OH line.

TABLE 1
Results

Direction

Ha [O i]

I([O i])/I(Ha)
(energy units)

n(H )/n(H0)1

v
(km s )21

I
(R)

w
(FWHM)

v
(km s )21

w
(FWHM) 6000 K 10,000 K

1147, 07 . . . . . . . . . 236 5 1 9.8 5 2.0 34 5 1 240 5 1 19 5 5 (27) 0.020 5 0.003 2.7 28
1307, 07 . . . . . . . . . 238 5 1 3.3 5 0.7 35 5 2 242 5 1 18 5 5 (28) 0.028 5 0.009 2.0 20
1307, 277.5 . . . . . . 260 5 3 3.4 5 0.7 36 5 4 (260) (29) !0.012 14.7 148

231 5 2 2.5 5 0.5 25a (231) (14) 0.044 5 0.011 1.2 13
NGC 7000 . . . . . . 20.4 5 1.0 800 23.7 5 0.3 4.5 5 1.0 15.2 5 0.3 (11.5) 0.0033 5 0.0003b 17 170

a Fixed at this value during the fitting.
b Error dominated by [O i] and Ha calibration uncertainties.

uncertainty in the derived ratios because these spectra have
relatively low signal-to-noise ratios and because their baselines
are less well defined as a result of incomplete subtractions of
the two relatively strong terrestrial emission lines. This uncer-
tainty was estimated by fitting each spectrum with different
baselines and by observing the goodness of fit for various
values of the Gaussian’s position, width, and area. A correction
was also made for the small differences in the instrument’s
optical transmittance and detector quantum efficiencies be-
tween 6300 and 6563 Å.
The results of these fits are presented in Table 1, which lists

the values and estimated uncertainties for the radial velocity,
width, and intensity for the Perseus arm Ha emission com-
ponents as well as the estimates for the velocity and width of
the corresponding [O i] emission. The resulting [O i]/Ha line
intensity ratio is also listed, followed by the hydrogen ioni-
zation ratio calculated from equation (1) for electron temper-
atures of 6000 and 10,000 K. Velocity components near the
LSR are not included because of the large baseline uncertainty
there, which is due to the imperfectly subtracted terrestrial
[O i] emission near 0 km s , except for NGC 7000, where21

the nebular [O i] intensity is an order of magnitude larger than

that in the diffuse background. The number in parentheses in
the width column for [O i] is the expected width of the [O i]
line based on the observed Ha line width, the O/H mass ratio,
and the assumptions that the gas temperature is 8000 K and the
[O i]–emitting and Ha-emitting atoms are well mixed. For
1307, 277.5 free fits of the widths of the Ha components and
the widths and positions of the [O i] components were not
possible because of the complexity of these spectra. The [O i]
results in this direction are based on the assumption that the
interstellar [O i] components have radial velocities equal to
those of the Ha components and widths as calculated above.
While these assumptions are questionable (see § 5), they at
least make it possible to estimate the [O i]/Ha intensity ratio
for the 231 km s component and to set an upper limit on21

this ratio for the 260 km s component.21

5. DISCUSSION AND CONCLUSIONS

Diffuse interstellar [O i] l6300 emission is clearly detected
in each of the three sight lines that sample the warm ionized
medium in the Perseus spiral arm. The 240 km s component21

toward 1147, 07 has an [O i]/Ha º 0.02, just at the upper limit
set with the earlier, less sensitive instrument (Reynolds 1989).
In the two other directions, the observed ratios for the Perseus
arm velocity components appear to range from less than 0.01
to about 0.04. Diffuse [O i] emission also could be associated
with more local interstellar gas near the LSR, but blending with
the much stronger terrestrial [O i] line prevents a clear iden-
tification of these lower velocity components. Improved tech-
niques in the collection and subtraction of on-source and off-
source spectra (e.g., a more rapid sampling of the on and off
directions as well as a larger number of off sight lines associated
with every on sight line) may significantly reduce the residual
terrestrial contamination in future interstellar [O i] studies.
These low [O i]/Ha intensity ratios suggest a high fractional

ionization of hydrogen within the diffuse Ha-emitting regions,
although not as high as in the bright O star H ii region, NGC
7000, where the intensity ratio is nearly a factor of 10 lower.
According to equation (1), a [O i]/Ha ratio of 0.04 corresponds
to hydrogen ionization ratios of 1.2 and 13, for temperatures
of 6000 and 10,000 K, respectively, and [O i]/Ha ! 0.01 has
corresponding ionization ratios n(H )/n(H0) 1 5 and 150, re-1

spectively. For NGC 7000, the ionization ratios are 17 and 170
for 6000 and 10,000 K. The derived values for n(H )/n(H0)1

are clearly sensitive to the temperature of the gas, which un-
fortunately is not well determined. A temperature near 8000 K
is indicated by the widths of Ha and [S ii] l6716 emission
line profiles in the diffuse background (Reynolds 1985, 1988),
which is consistent with a lower limit of 5500 K derived from
forbidden line intensities (see Reynolds 1993). A more accurate
determination will probably have to await the detection of the
extremely weak [N ii] l5755 line, whose intensity relative to

vLSR&(km/s) vLSR&(km/s)
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Fig. 2.—Ha and [O i] l6300 difference spectra showing the interstellar
emission at , (upper panels) and , b 5 277.5 (lowerC C Cl 5 130 b 5 0 l 5 130
panels). The arrows denote the radial velocity of the Ha emission components
associated with the Perseus arm. The gap at 290 km s in the [O i] difference21

spectrum for 1307, 277.5 (lower right panel) is due to an oversubtraction of
the terrestrial OH line.

TABLE 1
Results

Direction

Ha [O i]

I([O i])/I(Ha)
(energy units)

n(H )/n(H0)1

v
(km s )21

I
(R)

w
(FWHM)

v
(km s )21

w
(FWHM) 6000 K 10,000 K

1147, 07 . . . . . . . . . 236 5 1 9.8 5 2.0 34 5 1 240 5 1 19 5 5 (27) 0.020 5 0.003 2.7 28
1307, 07 . . . . . . . . . 238 5 1 3.3 5 0.7 35 5 2 242 5 1 18 5 5 (28) 0.028 5 0.009 2.0 20
1307, 277.5 . . . . . . 260 5 3 3.4 5 0.7 36 5 4 (260) (29) !0.012 14.7 148

231 5 2 2.5 5 0.5 25a (231) (14) 0.044 5 0.011 1.2 13
NGC 7000 . . . . . . 20.4 5 1.0 800 23.7 5 0.3 4.5 5 1.0 15.2 5 0.3 (11.5) 0.0033 5 0.0003b 17 170

a Fixed at this value during the fitting.
b Error dominated by [O i] and Ha calibration uncertainties.

uncertainty in the derived ratios because these spectra have
relatively low signal-to-noise ratios and because their baselines
are less well defined as a result of incomplete subtractions of
the two relatively strong terrestrial emission lines. This uncer-
tainty was estimated by fitting each spectrum with different
baselines and by observing the goodness of fit for various
values of the Gaussian’s position, width, and area. A correction
was also made for the small differences in the instrument’s
optical transmittance and detector quantum efficiencies be-
tween 6300 and 6563 Å.
The results of these fits are presented in Table 1, which lists

the values and estimated uncertainties for the radial velocity,
width, and intensity for the Perseus arm Ha emission com-
ponents as well as the estimates for the velocity and width of
the corresponding [O i] emission. The resulting [O i]/Ha line
intensity ratio is also listed, followed by the hydrogen ioni-
zation ratio calculated from equation (1) for electron temper-
atures of 6000 and 10,000 K. Velocity components near the
LSR are not included because of the large baseline uncertainty
there, which is due to the imperfectly subtracted terrestrial
[O i] emission near 0 km s , except for NGC 7000, where21

the nebular [O i] intensity is an order of magnitude larger than

that in the diffuse background. The number in parentheses in
the width column for [O i] is the expected width of the [O i]
line based on the observed Ha line width, the O/H mass ratio,
and the assumptions that the gas temperature is 8000 K and the
[O i]–emitting and Ha-emitting atoms are well mixed. For
1307, 277.5 free fits of the widths of the Ha components and
the widths and positions of the [O i] components were not
possible because of the complexity of these spectra. The [O i]
results in this direction are based on the assumption that the
interstellar [O i] components have radial velocities equal to
those of the Ha components and widths as calculated above.
While these assumptions are questionable (see § 5), they at
least make it possible to estimate the [O i]/Ha intensity ratio
for the 231 km s component and to set an upper limit on21

this ratio for the 260 km s component.21

5. DISCUSSION AND CONCLUSIONS

Diffuse interstellar [O i] l6300 emission is clearly detected
in each of the three sight lines that sample the warm ionized
medium in the Perseus spiral arm. The 240 km s component21

toward 1147, 07 has an [O i]/Ha º 0.02, just at the upper limit
set with the earlier, less sensitive instrument (Reynolds 1989).
In the two other directions, the observed ratios for the Perseus
arm velocity components appear to range from less than 0.01
to about 0.04. Diffuse [O i] emission also could be associated
with more local interstellar gas near the LSR, but blending with
the much stronger terrestrial [O i] line prevents a clear iden-
tification of these lower velocity components. Improved tech-
niques in the collection and subtraction of on-source and off-
source spectra (e.g., a more rapid sampling of the on and off
directions as well as a larger number of off sight lines associated
with every on sight line) may significantly reduce the residual
terrestrial contamination in future interstellar [O i] studies.
These low [O i]/Ha intensity ratios suggest a high fractional

ionization of hydrogen within the diffuse Ha-emitting regions,
although not as high as in the bright O star H ii region, NGC
7000, where the intensity ratio is nearly a factor of 10 lower.
According to equation (1), a [O i]/Ha ratio of 0.04 corresponds
to hydrogen ionization ratios of 1.2 and 13, for temperatures
of 6000 and 10,000 K, respectively, and [O i]/Ha ! 0.01 has
corresponding ionization ratios n(H )/n(H0) 1 5 and 150, re-1

spectively. For NGC 7000, the ionization ratios are 17 and 170
for 6000 and 10,000 K. The derived values for n(H )/n(H0)1

are clearly sensitive to the temperature of the gas, which un-
fortunately is not well determined. A temperature near 8000 K
is indicated by the widths of Ha and [S ii] l6716 emission
line profiles in the diffuse background (Reynolds 1985, 1988),
which is consistent with a lower limit of 5500 K derived from
forbidden line intensities (see Reynolds 1993). A more accurate
determination will probably have to await the detection of the
extremely weak [N ii] l5755 line, whose intensity relative to

vLSR&(km/s) vLSR&(km/s)
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turbulent fluctuations in the free-electron density and magnetic field
throughout the interstellar medium15 (ISM).

A limitation of previous studies is that they usually interpreted
the data in terms of the amplitude, P, and/or the angle,
h:(1=2)tan{1(U=Q), of the complex Stokes vector P ; (Q, U).
However, neither polarization amplitude nor polarization angle is
preserved under arbitrary translations and rotations in the Q–U plane.
These can result from one or more of a smooth distribution of inter-
vening polarized emission, a uniform screen of foreground Faraday
rotation, and the effects of missing large-scale structure in an inter-
ferometric data set. In the most general case, we are thus forced to
conclude that the observed values of P and h do not have any physical
significance, and that only measurements of quantities that are both
translationally and rotationally invariant in the Q–U plane can provide
insight into the physical conditions that produce the observed polar-
ization distribution.

The simplest such quantity is the spatial gradient of P, that is, the
rate at which the polarization vector traces out a trajectory in the Q–U
plane as a function of position on the sky. The magnitude of the
gradient is unaffected by rotation and translation, and so has the
potential to reveal properties of the polarization distribution that
might otherwise be hidden by excess foreground emission or
Faraday rotation, or in data sets from which large-scale structure is
missing (as is the case for the data shown in Fig. 1). The magnitude of
the polarization gradient is

+Pj j~

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
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z
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z
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The expression in equation (1) can be calculated simply, and the
corresponding image of j=Pj (Fig. 2) reveals a complex network of
tangled filaments. In particular, all regions in which j=Pj is high con-
sist of elongated, narrow structures rather than extended patches. In
the inset of Fig. 2, we plot the direction of =P for a small subregion of
the image, demonstrating that =P changes most rapidly along direc-
tions oriented perpendicular to the filaments. We can explore the

frequency dependence of these filaments, because the 1.4-GHz
ATCA data shown in Fig. 1 consist of nine independent spectral
channels of width 8 MHz, spread over a total bandwidth of 96 MHz.
We have constructed images of j=Pj for each individual spectral
channel, and these show the same set of specific features as in the
overall image, albeit at reduced signal-to-noise ratios. The lack of
frequency dependence indicates that the high-gradient structures seen
in this data set correspond to physical features in the ISM rather than
to contour lines introduced by the particular combination of observing
frequency and angular resolution used15,17.

We first consider the possibility that these filaments of high gradient
are intrinsic to the source of emission. Abrupt spatial transitions in the
strength or geometry of the magnetic field in a synchrotron-emitting
region would generate a large gradient in (Q, U). However, processes of
that sort would also produce structure in the overall synchrotron
emissivity, such that we would observe features in the image of
Stokes I that match those seen in j=Pj. No such correspondence is
observed, demonstrating that the regions of high polarization gradient
are not intrinsic to the source of polarized emission but must be
induced by Faraday rotation in magneto-ionized gas.

Because the amount of Faraday rotation is proportional to the line
integral of neBI from the source to the observer (where ne is the density
of free electrons and BI is the uniform component of the line-of-sight
magnetic field), the filamentary structure seen in j=Pj must corre-
spond to boundaries across which ne and/or BI show a sudden increase
or decrease over a small spatial interval. Such discontinuities could be
shock fronts or ionization fronts from discrete sources, as have been
observed in polarization around the rims of supernova remnants, H II

regions and planetary nebulae11,18. We have examined this possibility
by carefully comparing our image of j=Pj with images and gradient
images of Stokes I (tracing shock waves seen in synchrotron emission;
ref. 11), 21-cm H I emission16 (tracing atomic hydrogen) and 656.3-nm
Ha emission19,20 (tracing ionized hydrogen) over the same field, but do
not find any correspondences.

We conclude that the features seen in j=Pj are a generic component
of diffuse, ionized gas in this direction in the sky. To test this hypo-
thesis, we performed a series of three-dimensional isothermal simula-
tions of magnetohydrodynamic turbulence in the ISM, each with
different parameters for the sonic Mach number, defined as
Ms:hjvj=csi, where v is the local velocity, cs is the sound speed and
the averaging (indicated by angle brackets) is done over the whole
simulation. For each simulation, we propagated a uniform source of
polarized emission through the distribution of turbulent, magnetized
gas. The resultant Faraday rotation produces a complicated distri-
bution on the sky of Stokes Q and U, from which we generated a
map of the polarization gradient using equation (1). Images of j=Pj
for representative simulations of the subsonic, transonic and super-
sonic regimes are shown in Fig. 3. Narrow, elongated filaments of high
polarization gradient are apparent in each simulation in Fig. 3,
although they differ in their morphology and degree of organization.
In particular, the supersonic case (Fig. 3c) shows localized groupings of
very high-gradient filaments, corresponding to ensembles of intersect-
ing shocks5,21,22. By contrast, the subsonic (Fig. 3a) and transonic
(Fig. 3b) cases show more-diffuse networks of filaments, representing
the cusps and discontinuities characteristic of any turbulent velocity
field6,21,23.

Visual comparison of the simulated distributions of j=Pj with real
data (Fig. 2) suggests that the subsonic and transonic cases shown in
Fig. 3a, b more closely resemble the observations than does the super-
sonic case. We can quantify this statement by calculating the third-
order moment (skew, c) and the fourth-order moment (kurtosis, b) of
the probability distribution function of j=Pj for both observations and
simulations: these quantities parameterize the degree of Gaussian
asymmetry in the probability distribution function, and hence provide
information on the amount of compression due to shocks in the
data6,24.
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Figure 2 | =P | for an 18-deg2 region of the Southern Galactic Plane Survey.
| =P | has been derived by applying equation (1) to the Q and U images from
Fig. 1; note that | =P | cannot be constructed from the scalar quantity
P ; (Q2 1 U2)1/2, but is derived from the vector field P ; (Q, U). | =P | is a
gradient in one dimension, for which the appropriate units are (beam)20.5.
Because P measures linearly polarized intensity in units of millijanskys per
beam, | =P | has units of millijanskys per (beam)1.5. The scale showing | =P | is
shown on the right of the image, and ranges from 0 to 15 mJy per (beam)1.5. The
inset shows an expanded version of the structure with highest | =P | , covering a
box of side 0.9 deg centred on Galactic longitude 329.8 deg and Galactic latitude
11.0 deg. Plotted in the inset is the direction of =P at each position, defined as
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Figure 5. WHAM estimation for electron density overplotted on the figure of
the Big Power Law in the sky figure from Armstrong et al. (1995). The range
of statistical errors is marked with gray color.

in Armstrong et al. (1995) agrees well with the spectrum of the
density fluctuations measured at scales of 1017 m, if we assume
that the scale height of the free–free emitting layer is 1800 pc.
The found spectrum amplitude F0 = 3 × 10−4m−20/3 is within
the error bar from the value 3.2 × 10−4m−20/3 found by Cordes
et al. (1991) from pulsar scintillations. This is a remarkable
extension of the Big Power Law in the sky.

This is suggestive of the energy being injected at scales of
40÷150 pc in the Galaxy and cascading up to very small scales.
Below we discuss whether this case is a plausible one.

Does this picture of the large-scale turbulent energy cascade
look reasonable? Density information alone cannot answer
this question. Turbulence is a dynamical process in which
density can be used only as a tracer. More direct information
is available through velocity studies. Our estimation is also in
agreement with the expected value of 100 pc associated with
supernova explosions (see for instance Haverkorn et al. 2008).
Studies in Chepurnov et al. (2009) of the velocity turbulence
using the velocity coordinate spectrum (VCS) provide a good
fitting of the turbulence model when the injection scale is
taken to be 140 ± 80 pc (VCS uses Fourier-transformed over
velocity coordinate spectral data to get analytically predictable
data measure, see Lazarian & Pogosyan 2000). In addition,
MHD simulations in Cho & Lazarian (2003) indicate that
for subsonic turbulence the density spectrum follows well the
velocity spectrum, which is Kolmogorov. This is, however, not
true for supersonic MHD turbulence, for which, according to
Beresnyak et al. (2005), the density spectrum gets shallow.

We feel that the issue of the spectral slope does require
further study. With our limited dynamical range we could test
the consistency of the spectral index to the Kolmogorov one.
Discontinuous structures, e.g., ionized ridges of clouds make
the spectrum more shallow.

What is the Mach number of the free–free emitting layer in our
Galaxy? This question was addressed by Hill et al. (2008), who

compared the PDFs obtained via MHD simulations in Kowal
et al. (2007) and the PDFs of WHAM data. As a result, a
conclusion that the sonic Mach number of turbulence in the
free–free emitting layer, which is also frequently called the
Reynolds layer, is around 2. This is close to the subsonic range
and therefore we do not expect to see substantial deviations from
the Kolmogorov scaling for the random density.

All in all, the arguments above are consistent with the idea
that the large scale turbulence in the Reynolds layer and small
scale turbulence constituting the Big Power Law in Armstrong
et al. (1995) are the parts of the universal turbulence cascade.
This is also consistent with other arguments; for instance, with
the theoretical arguments on the energy injection in turbulence.
Both of the leading ideas on the injection of turbulent energy,
i.e., via supernovae explosions and via the magnetorotational
instability, inject energy at a large scale, e.g., larger than 30 pc.
This energy is bound to create a cascade in high Reynolds
number interstellar medium. Therefore the emergence of the
extended turbulent cascade is expected.

The present study shows the consistency of the data with
the Kolmogorov cascade in interstellar gas spanning over 10
decades. Further studies combining various data sets, including
those of velocity and magnetic field will clarify the nature of
the turbulence cascade in the Galaxy.

We thank the WHAM team for their great work and for
making the data publically available. The Wisconsin H-Alpha
Mapper is funded by the National Science Foundation. We
acknowledge the NSF grant AST 0808118 and the support from
the NSF funded Center for Magnetic Self-Organization. We
thank the anonymous referee for the useful comments which
improved our paper substantially.

APPENDIX

REMOVING THE SYSTEMATIC ERROR

The column density WHAM map suffers from systematic
error, related to uncertainty of zero levels in different observation
blocks. It can be corrected by introducing artificial constant
shifts for each observation block, which are set by minimization
of signal differences on block borders.

Let us denote the initial signal level difference between the
ith and jth blocks by cij , if they have a common border3

(cij = −cji), di—correction shift to be found for the ith
block, 1/wij —weight for adjusting of involvement of the border
between the ith and jth blocks (wij = wji), Ω ≡ {(i, j )|∃cij },
Ωi ≡ {j |∃cij }. With these definitions a function to minimize is
as follows:

L =
∑

Ω

1
w2

ij

(cij + di − dj )2. (A1)

Taking derivative over dn, we have at the minimum

∂L

∂dn

=
∑

Ωn

4
w2

nj

(cnj + dn − dj ) = 0 (A2)

which gives us a set of linear equations for di:

dn

∑

Ωn

1
w2

nj

−
∑

Ωn

1
w2

nj

dj = −
∑

Ωn

cnj

w2
nj

. (A3)

3 Otherwise cij is undefined.
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Scale%height
ne(|z|)&=&n0&exp(U|z|/H)
• Assume&constant&filling&fracdon

Pulsars
• Measure&DM(sin&|b|=∫0D&sin&|b|&ne&dz&vs&z
• Hn(=&1.4&±&0.3&kpc&(Savage&&&Wakker&2009)&locally

Al&III
• Measure&N(Al++)&=&∫&n(Al++)&dz&vs&z
• Hn(=&0.9+0.6U0.3&kpc&(Savage&&&Wakker&2009)

Hα&from&spiral&arms
• Measure&EM&=&∫&n2&dz&vs&z
• 2Hn^2(=(0.8&±&0.08&kpc&in&Perseus&Arm
• 2Hn^2(=&0.6&±&0.06&kpc&in&ScutumUCen&Arm

• 2Hn^2(=&0.3&±&0.1&kpc&in&inner&Galaxy&(rG&≈&4&kpc)&(Madsen&&&Reynolds&2005)

Compare&to&~300&pc&for&WNM&locally
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emission regions in the Local and Perseus arms (see Fig. 1).
Emission from the Local arm is near km s~1 andvLSR \ 0
has a more circular appearance reminiscent of a classical

sphere (see Fig. 2a). This faint H II region has aStro! mgren
relatively constant brightness of 5È6 R over most of its 13¡
diameter area. The most promising candidate for an ion-
izing source for this region is / Per, a B0.5e]sdO binary
system located at and pcl \ 131¡.3, b \ [11¡.3 220~32`43
away (Hipparcos ; ESA 1997 ; Gies et al. 1998). At that dis-
tance, the region is 50 pc in diameter. Some details of this
region can be found in Ha†ner (1999). A future study
(Ha†ner et al. 1999) examining the properties of B-star H II

regions in the WHAM Ha Sky Survey will expand on this
work. Emission from the Perseus arm in this direction at

is much more amorphous in shape[ 60 \ vLSR \ [40
(Fig. 3a).

At higher latitudes and at velocities farther from the LSR,
the Ha emission becomes quite Ðlamentary. Some of the
more notable structures include a faint bar in Figure 3a
running from l \ 150¡, b \ [33¡ to l \ 160¡, b \ [25¡ ;
several, nearly vertical Ðlaments near l \ 130¡, b \ [20¡ ;
and the shell-like region and associated dissecting Ðlament
(more visible at higher velocities ; see Ha†ner 1999) centered
on the box in Figure 3a. The last of these was previously
studied in detail by Ogden & Reynolds (1985) and Reynolds
et al. (1995).

3.2. Scale Height of the W IM
Since the Perseus arm gas is well separated in velocity

from the local emission, we can explore the decrease of this
emission as a function of the height above the Galactic
plane. To extract information about the scale height from
the intensity distribution, we Ðrst assume that the gas
density is primarily a function of z and has the form

n
e
(z) \ n

e
0 e~@ z @ @H cm~3 , (1)

where is the midplane density and H is the scale height ofn
e
0

the WIM. The Ha intensity is related to the gas density by
the equation

2.75T 40.9IHa \P
/n

e
2 dl , (2)

where / is the Ðlling fraction of the emitting gas, is theT4temperature of the gas in 104 K, and is in rayleighs. AsIHalong as the temperature, Ðlling factor, and path length
through the emitting gas, / dl \ L , are not functions of z, we
then have

IHa \ /(n
e
0)2L

2.75T 40.9 e~2 @ z @ @H \ IHa0 e~2 @ z @ @H , (3)

where is the intensity at the midplane. Finally, substitut-IHa0
ing z \ D tan o b o , where D is the distance to the arm and b
is the Galactic latitude of an observation, and taking the
natural log, we arrive at

ln IHa \ ln IHa0 [ 2D
H

tan o b o . (4)

Figure 4 plots this relationship for a selected region of the
map. Each point represents the median emission between
l \ 125¡ and 152¡ for each Galactic latitude. The median of
the emission in each latitude slice is used instead of an
average to reduce the e†ect of local emission enhancements

FIG. 4.ÈNatural logarithm of the median Ha intensity between
l \ 125¡ and 152¡ plotted vs. the tangent of Galactic latitude. Total

to ]100 km s~1), Local to ]100 km s~1), and(vLSR \ [100 (vLSR \ [25
Perseus arm to [25 km s~1) emission are denoted by(vLSR \ [100
squares, diamonds, and vertical bars, respectively. A linear best Ðt to the
Perseus arm emission above b \ [15¡ is displayed as a solid line. The
dotted line is a Ðt to the lower envelope of the data (see ° 3.2).

(e.g., faint H II regions). The limited longitude range is
chosen to avoid the gradual blending of the Perseus arm
component with the local gas as the longitude approaches
180¡. Three radial velocity intervals are presented in the
plot, reÑecting total to ]100 km s~1), Local(vLSR \ [100

to ]100 km s~1), and Perseus arm(vLSR \ [25 (vLSR \
to [25 km s~1) emission. The integration ranges are[100

expanded from the limited ranges in Figures 2 and 3 to
include the full emission proÐle in our calculations. The
error bars for the Perseus arm are an estimate of the physi-
cal scatter along a latitude slice calculated from the average
deviation about the median of emission within that slice.

Also displayed in Figure 4 is a linear Ðt to Perseus arm
points that are above b \ [15¡. Closer to the plane, H II

regions and extinction play a signiÐcant role, and these
points are excluded from the Ðt. The resulting Ðt parameters
are and 2D/H \ 4.91 ^ 0.39, leadingln IHa0 \ 1.73 ^ 0.19
to a midplane intensity for the WIM of 5.7 ^ 0.2 R and a
scale height of 1.0 ^ 0.1 kpc if the Perseus arm is at D \ 2.5
kpc (see Reynolds et al. 1995 and references therein). The
dotted line in Figure 4 presents a manual Ðt to the lower
envelope of the Perseus arm emission. The resulting param-
eters are essentially the same : H \ 1.0 kpc and R.IHa0 \ 4.2
The 1.0 kpc scale height appears to be valid for o z o from
750 pc to at least 1700 pc, the boundary of this studied
region.

As mentioned above, this estimate assumes that the Ðlling
fraction and temperature do not depend on o z o . If in fact /
changes as a function of height above the plane, it a†ects
our estimate of the electron scale height. As shown in ° 4,
these new observations suggest that the temperature in the
WIM rises with distance from the Galactic plane. Such an
e†ect would increase our estimate of the scale height.

Perseus%Arm%(Haffner%et%al%1999%ApJ)

Perseus%Arm



Measure&from&sightlines&towards&highU|
z|globular&cluster&pulsars
• nc&≈&0.07&cmU3

• Lc&≈&390&pc
• f&≈&0.3

Disagreement&between&2Hn^2&and&Hn
• Can&be&explained&if&f&=&f(z)&∝&exp(+|z|/Hf)&and&nc&∝&exp(U|z|/Hnc)

• f(0)&≈&0.04;&f(1&kpc)&≈&0.3
• midplane&nc&≈&0.3&cmU6&(P/k&~&4800&cmU3&K&at&8000&K)
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regions, rather than the single, isothermal box employed here.
Although the WIM itself is observationally approximately iso-
thermal (x 2), interfaces and mixing with other phases may affect
the gas in ways not modeled here. De Avillez & Breitschwerdt
(2004) model the Galactic ISM with supernova explosions ener-
gizing a four-phase medium with heating and radiative cooling
and find a combined volume-filling factor of !0.6 for the ‘‘cool’’
(103 < T < 104) and ‘‘warm’’ (104 < T < 105:5) gas. They find
that pressure equilibrium between the phases does not hold; in-
stead, turbulent mixing leads to a dynamical equilibrium. There is
also a large range of temperatures that result, including gas that
should be thermally unstable. However, this and similar works do
not generally take into account the ionization state of the gas by
tracking the collisional and photoionization, recombination and
radiative transfer through the gas. Presumably, the gas identified
as ‘‘cool’’ and ‘‘warm’’ in these simulations is a mixture of warm
neutral andwarm ionized components. Thus, it is difficult to know
what the density distribution of the observationally selected warm
ionized gas would be in such a model.

7.2. Power Requirement

All of the KLB07 simulations we have considered were driven
with the same forcing function. After the simulations reach a sta-
tistical steady state, the energy injection equals the energy ‘‘ra-
diated’’ away in the simulation. For isothermal simulations, the
energy-loss rate is assumed to be narrowly localized in the region
of shocks and compressions rather than determined by the balance
of heating and cooling. All of the simulations were driven with a
power (in dimensionless units) of unity. As shown inAppendixA,
this can be converted to a physical value.

For our best-fitting simulations (Ms ¼ 1:4Y2.4, with Lbox ¼
500 pc), the gas reaches a turbulent steady state with a kinetic and
magnetic energy density of Ukin ¼ (1:5Y3) ; 10#13 ergs cm#3 and
Umag ¼ (0:8Y1:5) ; 10#13 ergs cm#3. The power density necessary
to provide this turbulence is P ¼ (1:8Y5:2) ; 10#25 ergs s#1 cm#3.

Multiplying this value by Lbox yields the power per area per side
of the plane, (3Y8) ; 10#4 ergs s#1 cm#2. This is approximately
the same power provided by 1051 ergs of supernova energy per
50 yr spread over a disk of radius of 15 kpc (3 ; 10#4 ergs s#1

cm#2), but perhaps a bit on the high side. However, given the
uncertainties in the spatial distribution of supernova energy in-
put and the amount of energy converted into kinetic energy,
these estimates should be viewed cautiously.

Given the limitation of the isothermal assumption in our mod-
els, do our values provide upper or lower limits on the true power
requirement of the WIM? The answer to this is not clear. One
parameter in our models that would affect the power requirement
is the driving scale, which was a quarter of the simulation box
size. Using a smaller driving scale would probably increase the
power requirement to maintain the same level of turbulence.
Replacing the isothermal assumption (which assumes gas radi-
ates immediately after shocks) with both supernova and photo-
ionization heating and radiative cooling could raise or lower the
power requirement for theWIM depending on the temperature and
density structure of the resulting medium. For the purpose of this
work, it is comforting that the power requirement is not excessive.

7.3. Magnetic Field Structure

Figure 13 shows EM PDFs for each of the three possible
orientations of the box (two perpendicular to the field and one
along the field) for a weakly and strongly magnetized, mildly
supersonic model. For each model, the three PDFs are similar,
with counts slightly higher in the parallel view than in the per-
pendicular at low emission measures in the weakly magnetized
model.

Because the distribution of density, column density, and emis-
sionmeasure in themodels is relatively insensitive to themagnetic
field strengths we considered, these data alone cannot effectively
constrain the properties of the magnetic field. However, our
study’s density structure of theWIM effectively fixes the density,
one of the free parameters in interpreting Faraday rotation stud-
ies of the ionized medium, which depends on the convolution of
both the density and the magnetic field structure of the ISM at
high Galactic latitude (Boulares & Cox1990; Zweibel & Heiles
1997; Ferrière 2001; Han 2006; de Bruyn et al. 2006). Comparison
of MHDmodels such as those we considered to the combination

Fig. 13.—Effect of orientation of line of sight with respect to the magnetic
field. Thin lines show the observed, WHAM distribution. Thick lines show the
modeled EM distribution perpendicular to (solid lines) and parallel to the mag-
netic field (dotted and dashed lines).

Fig. 12.—Histograms of density (solid line) and characteristic density nc ¼
EM/DM (dotted line) for mildly supersonic models.
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Surface&recombinadon&rate&of&the&WIM&in&the&
Milky&Way
• 4%×%106%ionising%photons%sU1%cmU2%or%≈2%×%10U4%ergs%sU1%cmU2

%(Reynolds%1990%ApJL)

= about%equal%to%kineQc%energy%input%from%supernovae

= ≈1/7%of%the%Lyman%conQnuum%flux%from%OB%stars

• How%can%ionising%photons%reach%|z|%~%1%kpc?
= mean%free%path%of%ionising%photon%in%n~1%cmU3%WNM%is%~0.1%pc
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ionising&photons&to&
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phase,&turbulent&ISM
• Supernovae&drive&turbulence

• Headng&and&cooling&from&10&K&to&>&108&K

• Joung&&&Mac&Low&(2006,&2009&ApJ)

Photoionise&snapshot&of&
simuladons
• Use&Monte&Carlo&photoionisadon&
radiadve&transfer&code

• O&stars&placed&near&the&midplane

• Ionising&photons&can&escape&the&
midplane&through&lowUdensity&paths&
established&by&turbulence

• Total&ionising&flux&is&the&crucial&
parameter

• Wood,&Hill,&Joung&et&al&(2010&ApJ)

See&talk&by&Barnes
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•~10%%(Reynolds%et%al%1973)
• Up%to%20%%(Wood%&%Reynolds%1998)

= See%talk%by%Barnes

•~20%%on%average%at%high%laQtudes
= but%up%to%50%%on%individual%sightlines%

(Wie%et%al%2010)
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Figure 4. (a) Frequency distributions of total observed Hα intensities (black) from the Finkbeiner (2003) map for the entire high-latitude sky limited by the condition
τ (Hα) < 1, of the predicted scattered Hα component (green) according to Equation (6), and of the difference (red), which we attribute to in situ recombination
emission. (b) Frequency distributions of total observed Hα intensities (black) from the Finkbeiner (2003) map for a high-latitude region bounded by l = 340◦ and l =
60◦ on longitude, b = +35◦ and b = +75◦ in latitude, of the predicted scattered Hα component (green) according to Equation (6), and of the difference (red), which
we attribute to in situ recombination emission. (c) Frequency distributions of the total observed Hα intensities before (black) and after (blue) extinction correction
according to Bennett et al. (2003) compared with the residual Hα intensities after subtraction of the scattered light component, again before (red) and after (pink)
extinction correction.

Figure 5. All-sky map (1◦ resolution map) of the ratio of the predicted scattered
Hα intensities to the total observed Hα intensities from the Finkbeiner (2003)
map. The blocked-out regions of the map are the areas where the optically thin
condition τ (Hα) < 1 is no longer valid. The small white circles identify the
published positions of WHAM measurements of the [S ii]/Hα emission line
ratio by Reynolds (1985, 1988) and Madsen et al. (2006). The region outlined in
cyan represents the portion of the sky in which the detailed surveys of emission
line ratios were conducted by Madsen et al. (2006).

agreement with our estimates for about half of the high-latitude
sky, especially if lower latitudes are included (Figure 4(a)),
but the authors failed to account for the highly structured

distribution in the ratio of Hα scattering to Hα in situ emission
(Figure 4(b)) in their model. It is precisely this structure that is
important in attempts to determine the small-scale anisotropy of
the CMB at angular scales of !1◦.

Also shown in Figure 5 are the published positions where
WHAM measurements of the [S ii]/Hα line intensity ratio
have been obtained by Reynolds (1985, 1988) and Madsen
et al. (2006). It appears the selection criteria applied to these
observations have resulted in a somewhat biased data set in
the sense that the chosen directions fall either very close to the
Galactic plane or predominantly in high-latitude regions where
we identify the scattered Hα contribution to be very small.
We averaged the ratios of the scattered-to-total Hα intensities
predicted by Equation (6) for all those individual pointings
shown as small open circles falling outside the masked area
in Figure 5, with a resulting average of scattered-to-total Hα
of 0.14. Also shown with a cyan outline is a continuous region
surveyed by Madsen et al. (2006). In Figure 6, we show the line
emission ratios [S ii]/Hα as a function of the predicted ratio of
scattered-to-total Hα for those pointings within this region that
fall outside the near-plane masked area. For comparison, we
also entered the corresponding values for the excess emission in
LDN 1780, based on our recent WHAM measurements. While
the data from the Madsen et al. (2006) survey appear to represent
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Summary
Distribudon
• warm&ionised&medium&verdcal&column&density&N(H+)&≈&23&pc&cmU3&=&7&×&1019&cmU2&in&Galaxy

U ≈1/4&of&the&total&hydrogen&column,&and&90%&of&H+&mass&in&Milky&Way&ISM

• scale&height&1&–&1.4&kpc

• detected&in&every&direcdon&in&Hα

• volume&filling&fracdon&≈20&–&40%&at&|z|&~&1&kpc

Physical&condidons
• nearly&fully&ionised

• opdcal&line&rados&disdnct&from&H&II&regions

U warmer&(≈8000&K)&than&H&II&regions&(≈6000&K)

U lower&ionisadon&state&(S+,&O+,&N+&are&dominant&ions)

Modelling
• The&WIM&is&a&natural&consequence&of&feedback&from&massive&stars&in&a&starUforming&galaxy.

Outstanding&quesdons&(cf&Haffner&et&al&2009&Rev&Mod&Phys)

• What&causes&the&elevated&temperature&(above&photoionisadon)?

• How&much&ionising&radiadon&escapes&from&the&Galaxy?

U Ionisadon&bounded&or&density&bounded?

• How&does&the&WIM&fit&into&the&turbulent,&muldUphase&ISM?

• Why&is&the&WIM&fracdon&largely&independent&of&galaxy&type?
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Ionising%spectrum
Observadons
• H+,%N+,%S+,%O+,%and%He0%are%the%

dominant%ions%in%WIM

• Significant%N++,%S++,%O++,%and%He+%in%

H%II%regions

Modelling
• Requires%harder%spectrum%with%

deficit%of%He=ionising%photons%in%WIM

• Produced%by%ionising%photons%

escaping%from%an%H%II%region
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Hoopes%&%Walterbos%(2003%ApJ)

models, but there is no systematic difference between DIG
and H ii regions, as would be expected if q were the cause of
the variation. The constancy of the [S ii]/[N ii] ratio with q
had previously been seen in the Milky Way halo (Haffner et
al. 1999) and in the extended DIG halos of other edge-on
spirals (Rand 1998, 2000). Reynolds, Haffner, & Tufte
(1999) and Mathis (2000) suggest that an additional heat
source for the DIG beyond photoionization is required to
explain these ratios, and Reynolds et al. (2001) found
evidence for elevated temperatures in the DIG.

Collins & Rand (2001) and Otte et al. (2001, 2002) tested
the viability of extra heating for reproducing the observed
ratios in edge-on spirals. Collins & Rand (2001) list expres-
sions for line ratios that depend on temperature, abun-
dance, and ionization fraction. By assuming that the Nþ/N
ratio is the same as the Hþ/H ratio, the [N ii]/H! ratio can
be used to determine the temperature of the emitting region
if the N abundance is known. The [S ii]/H!, [O iii]/H", and
[S ii]/[N ii] ratios can then be predicted from the tempera-

ture if an ionization fraction is assumed. The dashed lines in
Figure 10 show the predicted ratios for various ionization
fractions, using the temperature determined from [N ii]/H!
and the same abundances used in the photoionization mod-
els. The figure suggests that increased temperature in the
faint DIG regions can explain the higher line ratios. How-
ever, high ionization fractions of Oþþ/O are required to
explain some of the [O iii]/H" ratios, and pure photoioniza-
tion by stars generally cannot produce such high fractions.
As Collins & Rand (2001) note, the high Oþþ/O ratios call
into question the assumption that the Nþ/N ratio is the
same as the Hþ/H ratio. The main conclusion that we draw
from this exercise is that even with extra heating, an addi-
tional mechanism for producing high Oþþ/O is necessary
for DIG regions with high [O iii]/H" ratios.

Alternative ionization mechanisms that can produce
strong [O iii]/H" ratios include shock ionization (Dopita &
Sutherland 1995; Rand 1998; Collins & Rand 2001) and tur-
bulent mixing layers (Slavin et al. 1993). These possibilities

Fig. 13.—Transmitted continua of leaky H ii regions. The initial spectrum is shown as the thick line, and three attenuated spectra are shown as thin lines.
The flux plotted is #F#. The spectra are the results of leaky H ii region models with leakage of 80%, 50%, and 30% from top to bottom. The vertical scale is the
incident flux at the cloud surface, 0.3 pc from the star. The initial flux is normalized to have a total number of ionizing photons logNLyc ¼ 49 (photons s#1;
L50 ¼ 0:1). Each of the three panels shows a different stellar temperature, labeled in the panel.
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